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Figure 2. Stars from our (blue symbols) and Brown et al. (1989) (green symbols)
survey are shown (panel (a)) along with evolutionary tracks computed by Bertelli
et al. (2008). Li-rich K giants are shown in panel (b): blue filled circles denote
new Li-rich giants found in this study, green symbols are Li-rich giants from
Brown et al. (1989), and magenta symbols are other Li-rich giants taken from
the literature. Symbol size indicates amount of Li. The base of the RGB is shown
as a broken red line and red portion on each of the tracks represents the location
of the luminosity bump which is predicted to be seen for masses M ! 2 M⊙.
The thick black lines represent the clump region for He-core burning stars of
masses 0.8–2.5 M⊙.
(A color version of this figure is available in the online journal.)

masses up to 2 M⊙ (Iben 1968; Bertelli et al. 2008) and a bump
in the luminosity function along the RGB. As shown in Figure 2,
the kink on the evolutionary tracks (Bertelli et al. 2008) is visible
only up to 2 M⊙ for solar metallicity stars.

Internally, the kink is associated with an inversion in the
run of mean molecular weight with distance from the stellar
center. This inversion is linked to destruction of 3He by the

reaction 3He(3He, 2p)4He which lowers the mean molecular
weight and the homogenization of the composition within the
convective envelope. Eggleton et al. (2008) show that this
inversion leads to “compulsory” mixing and changes to the
surface abundances of C, N, and O isotopic abundances, i.e.,
the 12C/13C ratio is lowered relative to its value before the
bump. Charbonnel & Lagarde (2010) recognize too that mixing
occurs as a result of the molecular weight inversion but include
the effects of rotationally induced mixing to drive the mixing.
This mixing referred to as δµ-mixing by Eggleton et al. (2008)
or thermohaline mixing by Charbonnel & Lagarde (2010) is
observationally confirmed by measurements of the 12C/13C ratio
in giants along the RGB showing a decrease in the ratio at and
above the luminosity of the bump.

As p-captures on 12C create 13C, the reservoir of pri-
mordial and main-sequence synthesized 3He is depleted. It
is this reservoir that is a potential source of 7Li from
the Cameron–Fowler (Cameron & Fowler 1971) mechanism
(3He(4He, γ )7Be(e−, ν)7Li) but in order for the 7Li to enrich
the stellar atmosphere it and its progenitor 7Be must be swept
quickly to temperatures too cool for proton captures to occur.
Eggleton et al. (2008) calculations show that more than about
80% of the 3He is destroyed in stars of masses less than about
1.5 M⊙. This destruction seems unlikely to produce lithium be-
cause the mixing is too slow for the 7Be and 7Li to avoid de-
struction by protons (Lattanzio et al. 2008). However, the initial
subsurface 3He reservoir is such that only a minor fraction of
the 3He need to be converted with moderate efficiency to pro-
vide an Li-rich giant. It is anticipated that the lithium produced
as the star crosses the bump’s luminosity may be destroyed
as the star with its convective envelope evolves to the tip of
the RGB.

The evidence from Figure 2 is that few of the Li-rich stars
are aligned along the run of bump stars in the H-R diagram.
Although the cooler Li-rich stars are likely to be bump stars,
many Li-rich stars are too warm to be so identified. Thus, we
suggest that Li-rich stars cannot be identified exclusively with
the bump. Rather the co-location of the Li-rich stars in Figure 2
with the high concentration of observed (Li-normal) giants and
the theoretical location of the clump suggest that they are clump
stars. If Li produced at the bump on the RGB survives a star’s
evolution from the bump to the clump, such Li-rich stars from
the survey may nonetheless appear predominantly as clump
stars because the lifetime at the clump is similar to or longer
than the time to evolve through the bump and to the clump via
the tip of the RGB. Since Li, if produced at the bump on the
RGB, may be destroyed by the time the star has evolved up
the RGB to experience the He-core flash, the speculation is that
the Cameron–Fowler mechanism may also operate at the He-
core flash in at least some stars, i.e., in stars of M < 2.25 M⊙.
Since Eggleton et al. (2008) predict survival of 3He in stars
with M > 1.5 M⊙, there seems in principal the possibility
that the He-core flash may be the key to synthesis of lithium
in stars in a narrow mass range centered at about 2 M⊙ with
the range’s the upper limit set by the maximum mass for a
He-core flash and the lower limit set by survival of sufficient 3He
following δµ or thermohaline mixing on the RGB. Evidently,
the concentration of Li-rich stars at the clump implies that the
synthesized Li is swiftly destroyed as a clump star evolves along
the early reaches of the AGB. If all stars evolving through the
He-core flash synthesize copious amounts of Li, they survive as
an Li-rich giant for about 1% of their horizontal branch lifetime,
i.e., about 2 Myr. (The four luminous Li-rich stars in Figure 2
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Figure 2. Stars from our (blue symbols) and Brown et al. (1989) (green symbols)
survey are shown (panel (a)) along with evolutionary tracks computed by Bertelli
et al. (2008). Li-rich K giants are shown in panel (b): blue filled circles denote
new Li-rich giants found in this study, green symbols are Li-rich giants from
Brown et al. (1989), and magenta symbols are other Li-rich giants taken from
the literature. Symbol size indicates amount of Li. The base of the RGB is shown
as a broken red line and red portion on each of the tracks represents the location
of the luminosity bump which is predicted to be seen for masses M ! 2 M⊙.
The thick black lines represent the clump region for He-core burning stars of
masses 0.8–2.5 M⊙.
(A color version of this figure is available in the online journal.)

masses up to 2 M⊙ (Iben 1968; Bertelli et al. 2008) and a bump
in the luminosity function along the RGB. As shown in Figure 2,
the kink on the evolutionary tracks (Bertelli et al. 2008) is visible
only up to 2 M⊙ for solar metallicity stars.

Internally, the kink is associated with an inversion in the
run of mean molecular weight with distance from the stellar
center. This inversion is linked to destruction of 3He by the

reaction 3He(3He, 2p)4He which lowers the mean molecular
weight and the homogenization of the composition within the
convective envelope. Eggleton et al. (2008) show that this
inversion leads to “compulsory” mixing and changes to the
surface abundances of C, N, and O isotopic abundances, i.e.,
the 12C/13C ratio is lowered relative to its value before the
bump. Charbonnel & Lagarde (2010) recognize too that mixing
occurs as a result of the molecular weight inversion but include
the effects of rotationally induced mixing to drive the mixing.
This mixing referred to as δµ-mixing by Eggleton et al. (2008)
or thermohaline mixing by Charbonnel & Lagarde (2010) is
observationally confirmed by measurements of the 12C/13C ratio
in giants along the RGB showing a decrease in the ratio at and
above the luminosity of the bump.

As p-captures on 12C create 13C, the reservoir of pri-
mordial and main-sequence synthesized 3He is depleted. It
is this reservoir that is a potential source of 7Li from
the Cameron–Fowler (Cameron & Fowler 1971) mechanism
(3He(4He, γ )7Be(e−, ν)7Li) but in order for the 7Li to enrich
the stellar atmosphere it and its progenitor 7Be must be swept
quickly to temperatures too cool for proton captures to occur.
Eggleton et al. (2008) calculations show that more than about
80% of the 3He is destroyed in stars of masses less than about
1.5 M⊙. This destruction seems unlikely to produce lithium be-
cause the mixing is too slow for the 7Be and 7Li to avoid de-
struction by protons (Lattanzio et al. 2008). However, the initial
subsurface 3He reservoir is such that only a minor fraction of
the 3He need to be converted with moderate efficiency to pro-
vide an Li-rich giant. It is anticipated that the lithium produced
as the star crosses the bump’s luminosity may be destroyed
as the star with its convective envelope evolves to the tip of
the RGB.

The evidence from Figure 2 is that few of the Li-rich stars
are aligned along the run of bump stars in the H-R diagram.
Although the cooler Li-rich stars are likely to be bump stars,
many Li-rich stars are too warm to be so identified. Thus, we
suggest that Li-rich stars cannot be identified exclusively with
the bump. Rather the co-location of the Li-rich stars in Figure 2
with the high concentration of observed (Li-normal) giants and
the theoretical location of the clump suggest that they are clump
stars. If Li produced at the bump on the RGB survives a star’s
evolution from the bump to the clump, such Li-rich stars from
the survey may nonetheless appear predominantly as clump
stars because the lifetime at the clump is similar to or longer
than the time to evolve through the bump and to the clump via
the tip of the RGB. Since Li, if produced at the bump on the
RGB, may be destroyed by the time the star has evolved up
the RGB to experience the He-core flash, the speculation is that
the Cameron–Fowler mechanism may also operate at the He-
core flash in at least some stars, i.e., in stars of M < 2.25 M⊙.
Since Eggleton et al. (2008) predict survival of 3He in stars
with M > 1.5 M⊙, there seems in principal the possibility
that the He-core flash may be the key to synthesis of lithium
in stars in a narrow mass range centered at about 2 M⊙ with
the range’s the upper limit set by the maximum mass for a
He-core flash and the lower limit set by survival of sufficient 3He
following δµ or thermohaline mixing on the RGB. Evidently,
the concentration of Li-rich stars at the clump implies that the
synthesized Li is swiftly destroyed as a clump star evolves along
the early reaches of the AGB. If all stars evolving through the
He-core flash synthesize copious amounts of Li, they survive as
an Li-rich giant for about 1% of their horizontal branch lifetime,
i.e., about 2 Myr. (The four luminous Li-rich stars in Figure 2
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hosting stars to predict future interactions between the
RGB stars and planets. We are particularly interested
in trying to account for the frequency of RGB stars with
rapid rotation by planets depositing angular momentum
into their parent stars. Although we focus on planets,
we do note that brown dwarfs and low-mass stellar com-
panions are also capable of spinning up giants. However,
brown dwarfs turn out to be unlikely angular momen-
tum sources because few stars have brown dwarfs or-
biting near enough to their stars to tidally interact sig-
nificantly with their host stars (Grether & Lineweaver
2006). Low-mass stars are twice as common as mas-
sive planets (Grether & Lineweaver 2006); however, their
higher mass affords them a higher survival rate in com-
mon envelope evolution. Therefore, they may not explain
rapid rotation in samples of field giant stars that were
selected to be companionless. We return to the issue of
low-mass stars in §5.4.

Using known properties of PH stars as a basis for ex-
ploring giant rapid rotation is advantageous for a num-
ber of reasons. First, it is not immediately obvious how
some parameters affect the probability of a star becom-
ing a future rapid rotator. As an example, consider the
role of the semimajor axis of the planet’s orbit. The or-
bital radius must be sufficiently small that the planet is
eventually engulfed by the star, but within this criterion
one would naively suspect that planets with the largest
possible orbital radius (and thus largest angular momen-
tum for a given mass) would maximize the probability
of spinning up the star. On the other hand, as we show
here, planets orbiting at larger radii will be engulfed later
in the evolution of the star, when the stellar moment of
inertia is larger and subsequent spin-up is smaller. Con-
sequently, whether or not a PH star can become a rapid
rotator depends on both the angular momentum avail-
able in the planetary orbit as well as when in the course of
the host star’s evolution the planet is actually accreted.
The relative values of these properties are specific to indi-
vidual planetary systems; therefore, using the properties
of known PH stars incorporates the natural distributions
of both the stellar and planetary properties, all of which
affect the census of rapid rotators. By combining the dis-
tributions of PH stars and planets with stellar evolution
models that allow us to track the individual evolution
of the PH stars into the RGB phase, we can begin to
ask questions about the relationship between PH stars
and the current population of red giant rapid rotators.
How many PH stars will become rapid rotators? What
is the lifetime of a red giant rapid rotator that is created
through planet accretion? Is the number and lifetime of
rapid rotators from expected planet ingestion enough to
account for the number of observed rapid rotators in the
current red giant population?

These are questions we address here. We begin by
describing the properties of current red giant rapid rota-
tors and PH stars as well as our adopted stellar evolution
models in §2. In §3, we present our model for the orbital
tidal evolution and ingestion of exoplanets; the results
of our modeling are presented in §4. Finally, in §5 we
discuss the possible effects of observational biases intro-
duced by different exoplanet detection methods as well
as the unmodeled effects of mass loss and magnetic dy-
namos.

Fig. 1.— Stellar mass and metallicity for a sample of low-mass
single red giants from Massarotti et al. (2008). The different sized
circles indicate bins of v sin i < 4 km s−1 (small), 4 ≤ v sin i <
8 km s−1 (medium), and v sin i ≥ 8 km s−1 (large). The vertical
line indicates the maximum stellar mass probed by our PH sample.

2. STELLAR PROPERTIES

2.1. Frequency of Red Giant Rapid Rotators

The peculiarity of rapid rotation among the red gi-
ant population has been well studied and documented
by many authors. While the exact value of the rota-
tional velocity separating “rapid rotators” and “normal
rotators” is somewhat arbitrary, we follow the literature
standard of defining a rapid rotator as any red giant with
v sin i ≥ 10 km s−1. In the catalog of rotational veloci-
ties from Glebocki & Stawikowski (2000), rapid rotators
account for about 5% of the red giant population. In a
sample of 900 stars, de Medeiros et al. (1996) find that
less than 5% of the red giants have v sin i > 5 km s−1

and faster rotators are even rarer. A recent study by
J. Carlberg et al. (in preparation) of almost 1300 distant
K giants found that less than 6% of their sample were
rapid rotators (depending on the number of undetected
binaries that masquerade as rapid rotators), while the
study of almost 750 nearby single giants from Hipparcos,
by Massarotti et al. (2008), yields only 1% of giant stars
with rapid rotation. The general consensus, as evidenced
by the four studies mentioned, is that the frequency of
rapid rotation in the red giant population is only a few
percent.

In this work, we compare predictions of the frequency
of rapid rotation from planet ingestion (as well as trends
of rapid rotation frequency with stellar properties) with
the sample of observed red giants in the Massarotti et al.
(2008) survey because the Hipparcos distances allow
accurate estimates of absolute stellar luminosities and
masses. Figure 1 shows the masses and metallicities of
669 stars from this survey grouped into three velocity
bins. Included are all stars from the survey with masses
between 0.7 and 10 M⊙, temperatures less than ∼5550 K,
and χ2 < 0.001 (as suggested by the authors of that pa-
per to avoid possible undetected binaries). In this sam-
ple, ten stars (1.5%) show rapid rotation, 122 (18.2%)
are in an intermediate v sin i bin (arbitrarily defined as
4 ≤ v sin i < 10 km s−1), and the remaining stars are
slow rotators. For reference, the vertical line shows that
maximum mass probed by the PH stars described in the
next section. In the stellar mass range probed by our
exoplanet host star sample, 5 stars (1.3%) show rapid
rotation, 40 (10.7%) are in the intermediate v sin i bin,

– 18 –

Fig. 2.— Projected rotational velocity, v sin i, as a function of temperature for all of the stars in

our sample. Triangles, squares, and X’s represent slow rotators (v sin i < 10 km s−1), rapid rotators

(v sin i ≥ 10 km s−1), and flagged stars (see Section 3), respectively. Arrows indicate upper limits.

The typical error bar in v sin i is 0.5 km s−1.

Carlberg et al. (2011) rapid rotators 2.2 % of  a 
sample of  1300 K-giants

Rapid RGB rotarors
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Structural changes on AN AGB STAR
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2. THE EQUATIONS

There are several competing processes that affect the orbital distance between the star
and the planet as the star evolves off the MS: the changes in the mass of both the planet

and the star, the gravitational and frictional drag, and the tidal force.

To determine the rate of change in the planet’s mass, we consider a planet of mass Mp

and radius Rp moving with a velocity, v, in a circular orbit (e = 0) around a star of mass
M∗. Since the planet is moving supersonically through the matter ejected by the giant star,

it accretes mass. The accretion rate onto the planet, Ṁp |acc, is given approximately by the
Bondi-Hoyle expression (e.g., Bondi & Hoyle 1944; Ruderman & Spiegel 1971),

Ṁp |acc = πR2

Aρv , (1)

where ρ is the density of the environment and RA is the accretion radius (RA = 2GMp/v2

with G the gravitational constant). At very short distances (where RA ! Rp) we have

replaced R2
A by RARp to correct the geometrical radius by gravitational focusing effects.

At the same time, the planet’s surface is being heated by radiation arising from the

shock front and from the stellar surface. This heating can lead to evaporation of surface
material. We estimate the evaporation rate, Ṁp |ev as in Villaver & Livio (2007; Eq. 9).

The temperature at the planet’s surface has been taken to be the maximum between the
radiative equilibrium temperature of the planet (see e.g., Eq. 5 in Villaver & Livio 2007)

and the temperature of the shocked gas Tsh = (3mH/16kb)v2 (estimated from the Rankine-
Hugoniot conditions for an adiabatic shock where kb is Boltzman’s constant and mh the mass
of the hydrogen atom).

The rate of change in the planet mass is thus given by

Ṁp = (Ṁp |acc − Ṁp |ev) . (2)

The rate of change of the stellar mass is simply Ṁ∗ = −Ṁmlr, where Ṁmlr is the stellar

mass-loss rate. Using Reimers’ law for Red Giants (Reimers 1975),

Ṁmlr = 4 × 10−13 ηR
L∗R∗

M∗
[M⊙ yr−1] , (3)

where L∗, R∗ and M∗ are the stellar luminosity, radius, and mass respectively (in solar units)
and ηR is the Reimers parameter, which we take throughout this work to be ηR = 0.6

Conservation of angular momentum gives the equation for the rate of change in the
orbital radius of the planet (see, e.g., Alexander et al. 1976; Livio & Soker 1984),

!

ȧ

a

"

= −
Ṁ∗ + Ṁp

M∗ + Mp
−

2

Mpv
[Ff + Fg] −

!

ȧ

a

"

t

, (4)

Villaver & Livio (2009); Kunimoto et al. (2011); Nordhaus & Spiegel (2013);  
Mustill & Villaver (2012); Adams & Bloch (2013); Villaver et al. (2014) 
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where Ff and Fg are respectively the frictional and gravitational drag forces and (ȧ/a)t is

the rate of orbital decay due to the tidal interaction.

The gravitational drag force, Fg, arises from the eddying motions that are set up in

the fluid by the passage of the planet. It is a consequence of the gravitational interaction
of the planet with a gaseous medium. The drag force is given by (e.g., Ostriker 1999, and

references therein)

Fg = 4π
(GMp)2

c2
s

ρI , (5)

where I is a time-dependent function of the Mach number. The numerical results of Ostriker
(1999) show that for the Mach numbers encountered here, I is approximately constant and
has the value I ≃ 0.5.

The loss of angular momentum associated to the frictional force Ff is proportional to

the surface area of the planet exposed to the flow and it can be expressed in the form (e.g.,
Rosenhead 1963)

Ff =
1

2
Cdρv2πR2

p , (6)

where Cd ≃ 0.9 is the dimensionless drag coefficient for a sphere.

Finally, the angular momentum loss associated to the tidal term (ȧ/a)t arises from the

additional force (besides the gravitational pull between the two centers of mass) resulting
from the non-spherical part of the mass distribution from the tidally distorted companion.

In giant stars, which have massive convective envelopes, the most efficient mechanism to
produce tidal friction is turbulent viscosity (e.g., Zahn 1966, 1977, 1989). The dissipation

timescale is determined by the effective eddy viscosity, with eddy velocities and length scales
given approximately by standard mixing length theory if convection transports most of the
energy flux (Zahn 1989; Verbunt & Phinney 1995; Rasio et al. 1996). The tidal term is given

by
!

ȧ

a

"

t

=
f

τd

Menv

M∗
q(1 + q)

!

R∗

a

"8

, (7)

with Menv being the mass in the convective envelope, q = Mp/M∗, and τd the eddy turnover

timescale, given in the case of a convective envelope (Rasio et al. 1996),

τd =

#

Menv(R∗ − Renv)2

3L∗

$1/3

, (8)

where Renv is the radius at the base of the convective envelope. The term f in Eq. (7)
is a numerical factor obtained from integrating the viscous dissipation of the tidal energy
across the convective zone. Zahn (1989) used f = 1.01(α/2) where α is the mixing length
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Kunitomo et al. (2011)Menv = Mstar  and Renv = 0
Mstar=constant



Rgb Agb

When…..Is It Important?	


• If we are interested in the overall evolution of a planetary system the 
most important phase is the AGB.	


• AGB star reaches the largest radius and most of the mass-loss takes 

RADIUS MASS-LOSS

Rgb —10% Mass

Agb — 60 % Mass



Mustill & Villaver (2012)

AGB evolution

Final location of the innermost surviving planets



Unstability 



Multiple-planetary Systems

So far multiplicity:  22%  
official Kepler #…?



WD metal pollution

Talks by: 
J. Debes 

A. Mustill  
D. Veras 

Mustill, Veras & Villaver (2014)

Duncan & Lissauer (1998); Debes & Siggurdson (2002);  
Veras & Mustill (2013); Bonsor et al. (2011);  Debes (2012); 
Frewen & Hansen (2014)



Engulfment

Gabi Perez /IAC

Mp /Menv	

Fast decay	


Binding parameter uncertain	

Livio & Soker (1988)	


10-15 Mj might survive 	

Villaver & Livio (2007)	

Nordhaus et al. (2010)



KIC 05807616 two Earth-like  
planets at 0.0060 & 0.0076AU 

Charpinet et al. (2007) 

Nature

Han et al. (2002)  
Form single sdB stars via 
merger of two He WDs, 
planet formation following 
this event may be possible.

Bear & Soker (2012) 
Passy et al. (2012) 
remnants of one or 
two Jovian-mass 
planets that lost 
extensive mass during 
CE phase.



Binaries
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Fig. 2.— Evolution of the the zero-velocity curves for a planet as the primary (cyan) loses mass. The white regions indicate where the
planet may orbit. The bottleneck surrounding the first Lagrange point opens midway through the mass loss phase, allowing the planet to
orbit both components of the binary. The dashed-tail shows an episode of orbital bouncing, which continues while the curves remain open.
By the end of the mass loss phase, the zero-velocity surface has been pinched o�, and the planet is trapped around the secondary. A movie
of this evolution is available at http://www.cfa.harvard.edu/˜kkratter/BinaryPlanets/zvelmovie.mpg.

duced into the stellar binary – this results in oscillations
in the Jacobi constant for some surviving test particles.

4.1. Simulation Details

We simulate evolving binaries containing primaries
which evolve from M = 2 ⌅ 0.55M⇤. Such A stars host
planets (Johnson et al. 2007), undergo extensive mass
loss in a Hubble time and are frequently found in multiple
systems (Raghavan et al. 2010). We consider secondary
masses ranging fromm2 = 0.5�1.7M⇤, and initial binary
separations from a⇥,i = 75 � 105 AU. We fix the planet
separation at 15 AU: far enough to avoid any interaction
with the primary’s envelope, and close enough to be well
inside the (initial) stability region around the host star.
Test particles are initialized with zero eccentricity, ran-
dom phase, on coplanar orbits. In order to expedite the
calculations, we evolve the planetary and stellar orbits
with the analytic formulae for the first ⇤ 1490 Myr, un-
til the star reaches the beginning of the asymptotic giant
branch (AGB), at which point the mass loss rate rapidly
increases (shown in Figure 1).
We consider only the evolution of the more massive

star, which leaves the main sequence first (the planet
host). In Section 5 we discuss possible outcomes when
the second star evolves o� of the main sequence.
In total we explore 70 di�erent binary configurations.

For each binary configuration, we also explore the influ-
ence of mass loss rate and collisional cross section. Even

varying only two parameters produces a complex set of
outcomes because the probabilistic fate of a planet de-
pends not only on the initial and final configurations, but
also on the rate at which they pass through each state,
which is determined by the mass loss rate and expansion
of the primary’s atmosphere. We run our fiducial cal-
culations for 30 Myr following the end of the mass loss
phase, or 104 orbits, as most planets that survive to 10
Myr remain out to 100 Myr in several test cases. As seen
by Rabl & Dvorak (1988) and Holman & Wiegert (1999),
in the case with no mass loss, most of the orbital evolu-
tion occurs on timescales of less than 300 binary orbits.
We discuss these timescales further in Section 5.3.
Even though all the particles begin with nearly identi-

cal CJ (small variations are introduced due to variations
in the planets’ initial phases), mass loss induces a spread
in CJ because they undergo di�erent chaotic evolution-
ary paths while mass loss is ongoing. This spread pro-
duces a range of outcomes for planets in a given system.
During the course of the simulation we keep track of

each particles closest approach to either star. Particles
which penetrate the specified stellar radii are removed
from the calculation and identified as collisions. For the
primary, the collisional radius is set to be the maximum
of either the stellar radius calculated from Hurley et al.
(2000) or the star’s approximate tidal radius as a WD:
3.8⇥10�3 AU. The secondary’s radius is fixed at 1R⇤ for
all masses to simplify the interpretation of probabilities.

Kratter & Perets (2012)
See also Perets (2010), Veras & Tout (2012),  Moekel & Veras (2012)
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Planets
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Summary

Evolved stars can offer important insight into: 

1- the planet formation process: metallicity, 
stellar mass dependency… 

2-Stellar evolution: rotation, Li,  

3-Physical process associated to planetary 
system evolution. 


