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Thin disk: scale-height of a few 100 pc
Young, metal-rich stars 

Thick disk: scale-height of ~ 1kpc
Old, metal-poor stars 



Disks might be made of 
complex components 

à how do these form?



How do high redshift galaxies evolve into 
the present-day Hubble sequence? 

z=2 galaxies, courtesy A. van der Wel & the CANDELS survey



Galaxy formation in a cosmological context

§ Random density fluctuations amplified through 
gravitational instability: dark matter halos 

§ Baryons form galaxies within the dark matter halos 
§ Galaxies grow through a combination of:

hierarchical merging +  gas accretion from filaments
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Baryons form galaxies within the dark matter halos
Galaxies grow through a combination of hierarchical
merging and gas accretion from filaments.
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Mergers have strong consequences for galaxiesMergers and their consequences for galaxies
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§ Major mergers (mass ratio > 1:4)  
transform disks into ellipticals
à but not very frequent

§ Most Milky Way-size galaxies are 
expected to have had a 1:10 merger in 
the past 8 Gyr Purcell et al 2009



Most Milky Way-size galaxies are expected to have 
had a 1:10 merger in the past 8 Gyr

Purcell et al 2009



Minor mergers can...
§ Contribute to bulge growth
§ Thicken disks (especially in the outer parts 

where restoring force is lower)

§ Redistribute stars within the disk
§ Trigger star formation

§ The effects depend on: orbit, mass ratio, gas 
content

Gas “absorbs” part of the orbital energy
Can reform new thin disk
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Cold flows feed the galaxy in fresh gas:
fuel for disk (re)building

Gas accretion from cosmic filaments

Agertz et al., 2009

Cold flows: feed the galaxy in fresh gas, fuel for disk
(re)building (Agertz et al. 2009, Ceverino et al. 2009)
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Gas accretion from cosmic filaments
Gas rich disks are unstable: formation of massive clumps

Clump migration towards the center of the galaxy:
another mechanism for bulge formation!

Bournaud et al., 2007

8 / 41

Clump migration towards the center of the galaxy because 
of dynamical friction: another mechanism for bulge 
formation!

Bournaud et al 2007

BUT gas rich disks can be unstable
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Figure 2. Model 2 of a gas-rich gravitationally unstable disk generating giant
clumps of gas and stars, similar to clumpy galaxies at z > 1 (see also BEE07).
These edge-on views of the gas+star mass density show rapid thickening of the
disk by the clumps. The clumps finally coalesce into a central bulge within a
Gyr. Subsequent gas infall forms a stable thin disk inside the thick disk. The
thick-disk scale height decreases a little when this happens, but the separate
thick-disk component remains.

where several minor mergers occur with mass ratios and orbits
prescribed by a Λ-CDM model.

The four individual minor mergers were chosen to have a mass
ratio of 10:1. The primary galaxy is modeled with one million
particles for each component (gas, stars, and dark matter). Its
stellar mass is 4 × 1010 M⊙ and its gas mass is 1 × 1010 M⊙.
It starts with an exponential disk of radial scale length 4 kpc,
truncated at 15 kpc, and an exponential scale height of 500 pc.
Twenty percent of the stellar mass is in a central bulge with a
Hernquist profile of scale length 500 pc. The dark matter halo
has a Hernquist profile with a scale length of 7 kpc. The dark
matter to baryon mass ratio is 1:2 inside the disk radius. The
companion galaxy has all masses divided by a factor of 10, and
all sizes divided by 3.5. The orbital inclination with respect to
the target disk plane is 35◦. The impact parameter is 30 kpc.
The velocity at an infinite distance is either 150 or 220 km s−1,
each being simulated for a prograde and a retrograde orbit, thus
giving four models. The resolution and softening are the same
as in the unstable disk models.

Our second type of merger model includes several satellite
galaxies taken from a large-scale cosmological simulation (see
Martig et al. 2009a, 2009b). The primary galaxy in this case uses
4.7×106 stellar particles, 3.2×106 gas particles, and 5.7×106

dark matter particles. The softening length for force calculations
is 150 pc in this model, larger than in the other simulations, but

Figure 3. Vertical line-of-sight stellar density profiles for the systems shown
on Figure 2, at r = 5 kpc (see Figure 4 for radial variations), normalized to the
mid-plane density of the first snapshots and plotted in log scale. The initial thin
but unstable disk is rapidly stirred and thickened by gravitational instabilities
and clumps. A thick disk is formed within a Gyr, and a faint thin disk forms
inside of this from left-over gas. Continued external accretion causes a more
prominent young thin disk to form, and the thick disk shrinks a little when this
happens.

the final thick-disk scale height is still well resolved. The disk is
initially thin at redshift z = 1.2, and it contains 30% of its mass
in the form of gas. Over time, the galaxy interacts with several
dwarf satellites, the most massive of which have mass ratios of
11:1, 13:1, 15:1, and 18:1. The final stellar mass in the primary
is 8 × 1010 M⊙. We analyze its thick disk at z = 0.

4. RESULTS

4.1. Thick Disks from Instabilities and Giant Clumps at High
Redshift

The initial Gyr in our models produces giant star-forming
clumps with masses up to a few 108 M⊙. The clumps eventually
merge into a bulge (see also BEE07). A thick disk forms quickly
because of the same gravitational instabilities that form the
clumps. That is, the instabilities scatter stars and gas to high
velocity dispersions, and the clumps that are formed by the
instabilities continue to scatter stars and increase the dispersion
for as long as they are present.

The exponential scale heights in the stellar disks were
measured after the clumpy phase, when the clumps have either
dissolved or coalesced in a bulge. The scale height is ∼2–
2.5 kpc. It is constant with radius (Figure 2), having only a
minor flare in the outer regions. That is, at a radius of four times
the disk radial scale length, the scale height increases to ∼3 kpc.

The slow addition of gas after 1 Gyr causes the thick disk
to shrink toward the mid-plane, as expected (Elmegreen &
Elmegreen 2006). In our models, the scale height of the thick
disk decreases from ∼2 or 2.5 kpc to ∼1.5 kpc (Figures 3 and 4).
In all models, the thick disk remains a separate component and
does not become a low-density tail to the thin disk (Figure 3).
The thick disk also preserves its constant scale height with radius
during the accretion (Figure 4).

4.2. Thick Disks from Minor Mergers

The radial profiles of the thick-disk scale heights in our
minor merger models are also shown in Figure 4. They have
no large thickening in the inner regions (r ≃ 0) and the
outer disk becomes extremely thick, with scale heights of
5 kpc and more. Minor mergers produce flared disks instead
of uniformly thick disks. This property is not exclusive to our
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is 8 × 1010 M⊙. We analyze its thick disk at z = 0.

4. RESULTS
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Redshift

The initial Gyr in our models produces giant star-forming
clumps with masses up to a few 108 M⊙. The clumps eventually
merge into a bulge (see also BEE07). A thick disk forms quickly
because of the same gravitational instabilities that form the
clumps. That is, the instabilities scatter stars and gas to high
velocity dispersions, and the clumps that are formed by the
instabilities continue to scatter stars and increase the dispersion
for as long as they are present.

The exponential scale heights in the stellar disks were
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minor flare in the outer regions. That is, at a radius of four times
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The slow addition of gas after 1 Gyr causes the thick disk
to shrink toward the mid-plane, as expected (Elmegreen &
Elmegreen 2006). In our models, the scale height of the thick
disk decreases from ∼2 or 2.5 kpc to ∼1.5 kpc (Figures 3 and 4).
In all models, the thick disk remains a separate component and
does not become a low-density tail to the thin disk (Figure 3).
The thick disk also preserves its constant scale height with radius
during the accretion (Figure 4).

4.2. Thick Disks from Minor Mergers

The radial profiles of the thick-disk scale heights in our
minor merger models are also shown in Figure 4. They have
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Bournaud, Elmegreen & Martig 2009

Another 
mechanism for 
disk thickening

As clumps move through the 
disk, they scatter stars around



Even isolated, galaxies change morphology

§ Scattering of stars off GMCs, spiral arms or any 
over-density: increase in velocity dispersion 
(thickening!)

§ Angular momentum re-distribution (need non-
axisymmetric features)

• increases mass concentration
• changes in disk scale-length
• changes outer disk profiles (break radius, 

flares)



Summary: bulge / thick disk formation

§ Mergers, cold accretion (disk instabilities) and internal 
processes can all:
– thicken disks
– re-distribute angular momentum
– create/grow bulges

§ Act on different timescales, with different strengths, in 
different types of galaxies

Might have different observational signatures



Summary: bulge / thick disk formation

§ Mergers, cold accretion (disk instabilities) and internal 
processes can all:
– thicken disks
– re-distribute angular momentum
– create/grow bulges

§ Act on different timescales, with different strengths, in 
different types of galaxies

Might have different observational signatures
but what do we call “thick disks” exactly?



Thick disk definition based on...
§ Morphology
(e.g., Gilmore & Reid 1983
Comerón et al. 2011)

trying different template stars and found that our uncertainties
were never dominated by template mismatch.
Because we have modified the traditional cross-correlation

technique, we have no formal means of calculating uncertainties
in our fitted velocity and LOSVD. We therefore run a series of
Monte Carlo realizations to quantify the errors in our fitting pro-
cedure. For each galaxy, we create 100 artificial two-dimensional
spectra. A template stellar spectrum is shifted to match a realistic
rotation curve and broadened to simulate both stellar velocity
dispersion and instrumental resolution.We vary the detailed shape
of the rotation curve and velocity dispersion for each realization
by!20%. The fake spectra have radial exponential flux profiles
similar to the real galaxies. We add Poisson noise to the artificial
spectra, as well as systematic residuals, by adding regions of sky
from our science frames that do not have any detectable objects.
Thus, our artificial spectra have both the sameGaussian sky back-
ground and systematic residuals similar to those of the real data.
Once the artificial spectra are made, we extract and analyze

one-dimensional spectra in the same way as for the real data (i.e.,
we use the same extraction windows and the cross-correlation
with masking procedure). In many instances, we find that our
measured LOSVD poorly matches the input. The loss of reason-
able LOSVD measurements is dominated by how many of the
Ca ii lines aremasked due to skyline contamination.We therefore
clip points where the Monte Carlo error analysis suggests we
cannot reliably recover the input parameters (i.e., the rms error
between input and output is >50 km s"1, or the output has a sys-
tematic error of >20 km s"1). These clipped regions typically
correspond to regions of the rotation curve where the Ca triplet
line passes through a large sky residual. Our final extracted rota-
tion curves, LOSVDs, and Monte Carlo–derived uncertainties
are plotted in Figure 3, along with R-band images of the galaxies
showing the Gemini long-slit placements.

4. STELLAR KINEMATICS

Although we attempted to place our slits in regions of the
galaxies where the thin- and thick-disk light makes up the ma-
jority of the flux, it is nearly impossible to target regions where
one stellar component completely dominates the flux. In the lower
mass galaxies, we find that the thick disk is a major stellar com-
ponent and we should expect spectra taken along the midplane to

Fig. 3—Continued

Fig. 4.—Example of our extracted galaxy spectra. The solid line shows the
normalized galaxy spectrum. Red lines mark where the spectra were masked
due to skyline contamination. The noise spectrum (multiplied by 5) is plotted as
a dotted line. The blue dashed line shows the best-fit shifted and broadened stel-
lar spectrum.

YOACHIM & DALCANTON1010 Vol. 682

Juric et al. 2008

Yoachim & Dalcanton 2008



Thick disk definition based on...
§ Morphology ( Gilmore & Reid 1983, Yoachim & Dalcanton 2008, 

Juric et al. 2008, Comerón et al. 2011)

§ Kinematics (Prochaska
et al. 2000; Bensby et al. 2003; 
Reddy et al. 2003)

186 T. Bensby et al.: α-, r-, and s-process element trends in the Galactic thin and thick disks

Fig. 1. Toomre diagram for the full stellar sample (102 stars). Thick
and thin disk stars are marked by filled and open symbols, respectively.
Stars that have been observed with SOFIN or UVES are marked by
triangles and those from Bensby et al. (2003) are marked by circles.
“Transition objects” are marked by “open stars”.

element europium (Eu) and the two s-process elements yttrium
(Y) and barium (Ba). By studying Eu and Ba Mashonkina &
Gehren (2001) found that AGB stars have contributed to the
chemical enrichment of the thick disk. By including these ele-
ments we will be able to confirm this important finding. These
elements will also be combined with the α-elements, in par-
ticular our oxygen abundances from Bensby et al. (2004a), to
shed new light on the chemical enrichment.

The paper is organized as follows. In Sect. 2 we describe
the stellar sample. Section 3 describes the observations and the
data reductions. Sections 4 and 5 briefly describe the stellar
model atmospheres and the elemental abundance determina-
tion. The interested reader is refered to Bensby et al. (2003) for
a detailed discussion. Section 6 describes how we determined
stellar ages. The resulting elemental abundance trends are then
presented in Sect. 7 and combined with the results from Bensby
et al. (2003, 2004a) for an extended discussion. Conclusions
and a final summary are given in in Sect. 8. The paper ends
with an Appendix that includes a discussion of the assumptions
made about the parameters that are used in the kinematical se-
lection criteria for the stellar samples.

2. Stellar sample

Given that we, in principle, never can select a sample of lo-
cal thick disk stars that is guaranteed to be completely free
from intervening thin disk stars, we argue that we should keep
the selection criteria as simple and as transparent as possi-
ble. In this sense the simplest and most honest selection is
based only on the kinematics of the stars. This is also the least
model dependent method. The selection method we used is

described and discussed in Bensby et al. (2003), see also
Bensby et al. (2004a,b).

Our study contains two major stellar samples. They have
been defined to kinematically resemble the thin and thick
Galactic disks, respectively. As mentioned the criteria and
method are described in Bensby et al. (2003). However, while
we then used a 6% for the normalization of the thick disk stars
in the solar neighbourhood we here use 10% (and consequently
the normalization for the thin disk population is 90%). Reasons
for this are given in the Appendix.

Our total stellar sample contains 38 thick disk stars and
60 thin disk stars. The new sample contains 17 thick disk stars,
15 thin disk stars (all with [Fe/H]< 0) and a further 4 stars
with kinematics intermediate between the thin and thick disks.
By intermediate we mean that they can be classified either as
thin disk or as thick disk stars depending on the value for the
solar neighbourhood thick disk stellar density. Using a value of
6% will classify them as thin disk stars whereas a value of 14%
will classify them as thick disk stars. Due to this ambiguity we
will treat these stars (HIP 3170, HIP 44441, HIP 95447, and
HIP 100412) separately from the two other samples and label
them as “transition objects”. The remaining 21 thick disk and
45 thin disk stars were analyzed in Bensby et al. (2003).

Radial velocities were determined for 35 of the 36 stars
in the new sample. Good agreement to the radial velocities in
the compilation by Barbier-Brossat et al. (1994) (which were
used when selecting the stars for the observations) is generally
found, with the exception of HIP 18833 where our radial ve-
locity is 13 km s−1 lower. The average difference for the other
stars is+0.4±3 km s−1, with our measurements giving the larger
values. For one star (HIP 116740) we adopted the radial veloc-
ity as given in Barbier-Brossat et al. (1994) since there was an
offset in the wavelength shift between the red and the blue set-
tings in the SOFIN spectra for this star (compare Table 2). All
kinematical properties and the calculated TD/D and TD/H ra-
tios (using the 10% normalization, see Appendix) for the new
sample, are given in Table 1.

3. Observations and data reductions

3.1. SOFIN data

Observations were carried out with the Nordic Optical
Telescope (NOT) on La Palma, Spain, during two observ-
ing runs in August (3 nights) and November (5 nights) 2002.
The SOFIN (SOviet FINnish) spectrograph was used to ob-
tain spectra with high resolving power (R ∼ 80 000) and high
signal-to-noise ratios (S/N ! 250). A solar spectrum was also
obtained by observing the Moon. To avoid long exposure times
and thus the effects of cosmic rays the exposures were split into
two or three exposures (not longer than ∼20 min).

The spectra were reduced using the 4A package
(Ilyin 2000). This comprises a standard procedure for data re-
duction and includes bias subtraction, estimation of the vari-
ances of the pixel intensities, correction for the master flat
field, scattered light subtraction with the aid of 2D-smoothing
splines, definition of the spectral orders, and weighted in-
tegration of the intensity with elimination of cosmic rays.

Bensby et al 2005



Thick disk definition based on...
§ Morphology ( Gilmore & Reid 1983, Yoachim & Dalcanton 2008, 

Juric et al. 2008, Comerón et al. 2011)

§ Kinematics (Prochaska et al. 2000; Bensby et al. 2003; Reddy et 
al. 2003)

§ Chemistry
(Fuhrmann 1998
Navarro et al. 2011
Adibekyan et al. 2012)



Thick disk definition based on...
§ Morphology ( Gilmore & Reid 1983, Yoachim & Dalcanton 2008, 

Juric et al. 2008, Comerón et al. 2011)

§ Kinematics (Prochaska et al. 2000; Bensby et al. 2003; Reddy et 
al. 2003)

§ Chemistry 
(Fuhrmann 1998; 
Navarro et al. 2011; 
Adibekyan et al. 2012)

§ Age (Bensby et al. 2014;
Kubryk et al. 2015)

A&A 560, A109 (2013)
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Fig. 8. Top panel: [α/Fe] vs. age for stars in the sample. The solid black
line separates the thin and thick disk populations. The yellow dots rep-
resent the oldest stars that are on the thin disk sequence in the [α/Fe]–
[Fe/H] plane (see the lower panel), and for which age could be deter-
mined. These objects fall in the part of the age–[α/Fe] distribution that
corresponds to the thick disk (above the line). Bottom panel: [α/Fe] vs.
[Fe/H] for the same sample and with the symbols indicating the same
population of stars as above. This illustrates how the two sequences are
separated in this plane.
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Fig. 9. Metallicity as a function of age for stars in the sample. Symbols
as in the top panel of Fig. 8. When thin disk metal-poor stars (yellow
dots) are not considered, the age–metallicity relation of thick disk stars
(blue solid circles) is obvious. The two objects at [Fe/H] < −1.0 dex and
age ∼ 9 Gyr are HIP 54641 and HIP 57360. See text for details.

3.5. Kinematics

3.5.1. Age–vertical velocity dispersions

Figure 11 shows the W velocity component as a function of
[α/Fe] and age, for the stars in the sample. The two curves
in each panel are the running dispersion in the W velocity

−1.2 −0.8 −0.4 0.0 0.2 0.4 0.6

−0
.1

0.
0

0.
1

0.
2

0.
3

0.
4

[Fe/H]

[α
/F

e]

Ag
e 

[G
yr

]

0.5

1.8

3.1

4.4

5.7

7.0

8.3

9.6

10.9

12.2

13.5

Fig. 10. [α/Fe] vs. [Fe/H] for the stars in the sample of Adibekyan
et al. for which a robust age could be derived. The color and the size
of the symbols both code the age of the stars, to emphasize the age
stratification of the distribution of stars within this plane.

calculated over 50 points. The dispersion along the thin disk se-
quence increases from about 9 ± 1.5 km s−1 to 35 ± 6 km s−1,
while in the thick disk sequence, the dispersion varies from
22± 3.7 km s−1 to 50± 8.3 km s−1. It is interesting to note that it
is the group of old, metal-poor thin disk stars that is responsible
for the higher dispersion of 35 km s−1 in the thin disk sequence.
When these objects are discarded by selecting thin disk sequence
stars with [Fe/H] > −0.3 dex (−0.4 dex), the vertical dispersion
rises to only 22 km s−1 (27 km s−1). This is confirmed by the
data shown in the right panel, where the vertical dispersion rises
to about the same values at age ∼ 8 Gyr.

The zmax values corresponding to the vertical velocities are
plotted as a function of [α/Fe] and age in Fig. 12, clearly il-
lustrating the decrease in scale height within the thick disk
population.

The so-called age–σW relation, which has been investigated
intensely in the hope of measuring a saturation value or a step
that would indicate a transition from the thick to the thin disk,
mixes stars of different provenance and which for a given age,
have different vertical dispersions. In mixing stars of different
provenance, finding a transition may be spurious. We note that
stars along the thin disk population with ages of ∼8 Gyr have
similar dispersion as stars along the thick disk sequence with
ages of ∼9−10 Gyr, probably due to the same process of verti-
cal heating. Paradoxically, stars of the metal-poor thin disk, also
being 9−10 Gyr old, have a dispersion higher than that of the
thick disk of the same age. Therefore, we should not be sur-
prised that samples comprising different amount of metal-poor
thin disk, “young” thick disk, and old thin disk, would produce
different overall σW at a given age, being a mix of stars of dif-
ferent populations with different vertical energies. We emphasize
that discussing an age–σW relation is meaningful only if the con-
tributions of the different components are properly disentangled.

The fact that metal-poor thin disk stars have higher verti-
cal velocity dispersions, together with their probable outer disk
origin, suggests the intervention of some dynamical mechanism
operating in the outskirts of the disk that may add some ex-
tra vertical kinetic energy. A warp could produce an increase
in the velocity dispersion. Specific signatures, as an asymmetry
in the distribution of vertical velocities, have been searched on
local data, with contradictory results (Dehnen 1998; Seabroke
& Gilmore 2007). The mean of the vertical velocities of our
metal-deficient thin disk stars is 2 km s−1, compatible with no
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Thick disk definition based on...
§ Morphology 

§ Kinematics

§ Chemistry

§ Age 

Milky Way and nearby galaxies

Milky Way only

Milky Way only

Milky Way only

à different definitions make it difficult to 
compare the MW to nearby galaxies 



The radial extent of thick disks
§ In the MW, alpha-rich stars mostly in inner 

disk, with short scale-length (Bensby et al. 2011; Cheng 
et al. 2012; Bovy et al. 2012; Nidever et al. 2014; Hayden et al. 2015)

6

Figure 3. The observed [�/Fe] vs. [Fe/H] distribution for the solar neighborhood (7 < R < 9 kpc, 0 < |z| < 0.5 kpc). The left panel is
down-sampled and shows only 20% of the observed data points in the solar circle. The right panel shows the entire sample in the solar
neighborhood, with contours denoting 1, 2, 3⇥ of the overall densities. There are two sequences in the distribution of stars in the [�/Fe] vs.
[Fe/H] plane, one at solar-[�/Fe] abundances, and one at high-[�/Fe] abundances that eventually merges with the solar-[�/Fe] sequence at
[Fe/H] � 0.2.

Figure 4. The stellar distribution of stars in the [�/Fe] vs. [Fe/H] plane as a function of R and |z|. Top: The observed [�/Fe] vs. [Fe/H]
distribution for stars with 1.0 < |z| < 2.0 kpc. Middle: The observed [�/Fe] vs. [Fe/H] distribution for stars with 0.5 < |z| < 1.0 kpc.
Bottom: The observed [�/Fe] vs. [Fe/H] distribution for stars with 0.0 < |z| < 0.5 kpc. The grey line on each panel is the same, showing
the similarity of the shape of the high-[�/Fe] sequence with R. The extended solar-[�/Fe] sequence observed in the solar neighborhood is
not present in the inner disk (R < 5 kpc), where a single sequence starting at high-[�/Fe] and low metallicity and ending at solar-[�/Fe]
and high metallicity fits our observations. In the outer disk (R > 11 kpc), there are very few high-[�/Fe] stars.

ilar at all observed locations, as noted above the number
of stars along the high-[�/Fe] sequence begins to decrease
dramatically for R > 11 kpc: there are almost no stars
along the high-[�/Fe] sequence in the very outer disk
(13 < R < 15 kpc).
To summarize our results for the distribution of stars

in the [�/Fe] vs. [Fe/H] plane:

• There are two distinct sequences in the solar neigh-
borhood, one at high-[�/Fe] , and one at solar-
[�/Fe] , which appear to merge at [Fe/H] ⇥ +0.2.
At sub-solar metallicities there is a distinct gap be-
tween these two sequences.

• The abundance pattern for the inner Galaxy can
be described as a single sequence, starting at low-
metallicity and high-[�/Fe] and ending at approxi-
mately solar-[�/Fe] and [Fe/H] = +0.5. The most
metal-rich stars are confined to the midplane.

• The high-[�/Fe] sequence appears similar at all lo-
cations in the Galaxy where it is observed (3 <
R < 13 kpc).

• Stars with high-[�/Fe] ratios and the most metal-
rich stars ([Fe/H] > 0.2) have spatial densities that
are qualitatively consistent with short radial scale-
lengths or a truncation at larger radii and have low
number density in the outer disk.

• The relative fraction of stars between the low- and
high-[�/Fe] sequences varies with disk height and
radius.

3.2. Metallicity Distribution Functions

With three years of observations, there are su⇤cient
numbers of stars in each Galactic zone to measure MDFs
in a number of radial bins and at di�erent heights above
the plane. We present the MDFs in radial bins of 2 kpc



ABUNDANCE-RESOLVEDABUNDANCE-RESOLVED SPATIAL STRUCTURE

Scale length and scale height 
are anti-correlated

Structure set both by [α/Fe] 
(~age) and [Fe/H] (~birth 

radius)

Smooth internal evolution 
(e.g., radial mixing)

Bovy et al. (2012); arXiv:1111.1724, ApJ in press

§ In the MW, alpha-rich stars mostly in inner 
disk, with short scale-length (Bensby et al. 2011; Cheng 
et al. 2012; Bovy et al. 2012; Nidever et al. 2014; Hayden et al. 2015)

Bovy et al 2012

The radial extent of thick disks



§ In the MW, alpha-rich stars mostly in inner 
disk, with short scale-length (Bensby et al. 2011; Cheng 
et al. 2012; Bovy et al. 2012; Nidever et al. 2014; Hayden et al. 2015)

§ In nearby galaxies, thick disks are extended– 4 –

Fig. 2.— 3.6µm-band S4G image of NGC 0522, one of the galaxies in our sample. NGC 0522 is similar to
the Milky Way both in morphological type and in size. The vertical lines indicate the limits of the bins for
which luminosity profiles have been produced, from left to right, at galactocentric distances of −0.8 r25 < R <
−0.5 r25, −0.5 r25 < R < −0.2 r25, −0.2 r25 < R < 0.2 r25, 0.2 r25 < R < 0.5 r25 and 0.5 r25 < R < 0.8 r25. In
order to avoid the influence of the bulge we have ignored the central (−0.2 r25 < R < 0.2 r25) bin throughout
the Paper, in all galaxies.

2. Sample selection

The sample studied in this Paper was selected from the 817-galaxy S4G subsample for which reduced
data were available at the time (December 2010; Salo et al. 2011). Ellipticity profiles were constructed
during the S4G data processing from the 3.6µm images by running iraf’s ellipse with the galaxy center
position fixed. We selected all those disk galaxies with types −3 ≤ T < 8 whose maximum disk ellipticity is
ϵ > 0.8. Galaxies of morphological type 8 ≤ T < 9 (the so-called Magellanic galaxies) were rejected because
their structure is generally ill-defined. The resulting 61 selected galaxies were visually inspected in order
to detect any sign of spiral structure or (pseudo)rings, which would indicate a disk which is not edge-on.
The images used for this rejection process were those from S4G as well as some from the Sloan Digital Sky
Survey Data Release 7 (Abazajian et al. 2009) and the Hubble Space Telescope Legacy Archive (hosted at
http://hla.stsci.edu). As a result, fourteen galaxies were removed from the sample. We removed a final
galaxy from the sample because of the presence of a very bright star close to the galactic disk affecting it at
most galactocentric radii.

The final sample contains 46 galaxies with types 3.0 ≤ T ≤ 7.5 at a median distance of !D = 24.7Mpc
(using the NASA/IPAC Extragalactic Database mean value of redshift-independent distances except for
IC 1553, NGC 5470 and PGC 012349 for which we estimated the distance using HyperLEDA’s heliocentric
radial velocity from radio measurement and using a Hubble constant H0 = 70 km s−1). The sample lacks
early-type galaxies for two reasons. First, a large fraction of the S4G galaxies are late-types (see Figure 1 of
Sheth et al. 2010). Second, the ellipticity criterion used for selecting the sample biases against galaxies with
large bulges or stellar haloes.

As a comparison, one other recent study on thick disks in late-type galaxies with a statistically significant
sample is that from Yoachim & Dalcanton (2006), who study 34 edge-on galaxies of types 5 ≤ T ≤ 9 with a
median distance of !D = 74.3Mpc.

An S4G 3.6µm-band image of one of the selected galaxies, NGC 0522, is shown in Figure 2.
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Figure 10. Ratio of the outer disk and the inner disk scale lengths in truncated
profiles (Type II breaks) for the thin disk (left panel) and the thick disk (right
panel). In the case of Type II+II and Type II+III+II profiles, both truncations
have been considered.

length (ho) and the inner scale length (hi) in both thin and
thick disks (Figure 10). We found that the ho/hi distributions
are quite similar, except for a narrow peak in the thin disk
scale length ratio ((ho/hi)t ). We also found that (ho/hi)t
and (ho/hi)T are little correlated (linear Pearsons correlation
coefficient ρ ∼ 0.3).

When both the thin and the thick disk are truncated, the inner
scale length of the thick disk is generally between one and
two times that of the thin disk (Figure 11). The outer scale
length of the thick disk is even less correlated with that of the
outer thin disk than the inner thin and thick disk scale lengths.
Because there is some contribution of thick disk light in the
range of heights where we have measured thin disk properties,
it is expected that the thin disk scale lengths, especially (ho)t ,
have been overestimated.

When plotting a histogram of the distribution of break radii,
rb, in units of the fitted inner disk scale lengths, we find that
thick disks do generally truncate at a lower relative radius than
thin disks (Figure 12), which is generally due to thick disks
having a longer inner scale length.

A difference between truncations in thin and thick disks is
their frequency. Fifty-four of our thin disks are truncated (77%),
but only 22 of the thick disks are (31%). Thus, apparently, thin
disks have more than double the frequency of truncations in
thick disks. This could be due to an intrinsically lower fraction
of truncations in thick disks or because we may not be able to
detect them due to their low surface brightness. To test that
we measured the surface brightness difference between the
thin disk luminosity profile at r = 0 and that at the radius
of the truncation, ∆mt . The thin disk surface brightness at the
truncation radius was found directly from the luminosity profile,
but that at r = 0 was found by using the fits of the truncated disk
function integrated over the line of sight. The reason to do so was
to avoid the bulge influence. We then searched for the surface
brightness difference between the luminosity profile at r = 0
and the truncation detection threshold (∆mT ) in the thick disks.
In Section 3.7, we explained that truncations were found visually
before producing the actual fitting. Because of the subjective
nature of this identification, the truncation detection threshold
is unclear and we can only estimate it, making the ∆mT values
rather uncertain. Based on our experience of visually classifying
the breaks, we are confident that we detect truncations down to
µ3.6 µm(AB) = 25–26 mag arcsec−2.
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Figure 11. Scale lengths of inner thick disks as a function of their inner thin
disks scale lengths (top panel) and scale lengths of outer thick disks as a function
of their thin disk scale lengths (bottom panel) for galaxies with both thin and
thick disk truncated. Solid lines trace a one-to-one relation between the thin and
thick disk scale lengths and the dotted lines indicate thick disks with a scale
length two times larger than that of the thin disk. Triangle symbols stand for the
second truncation in Type II+II and Type II+III+II profiles. Error bars represent
2σ fitting errors.
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Figure 12. Ratio of the truncation break radius and the inner disk scale length
for the thin disk (left panel) and the thick disk (right panel). In the case of
Type II+II and Type II+III+II profiles, both truncations have been considered.

We compared the ∆mT for each thick disk to a random set
of ∆mt measured from real thin disks, as explained before.
If ∆mt > ∆mT , we considered that the particular thin disk
truncation could not be detected on that particular thick disk. If
our detection threshold was µ3.6 µm(AB) = 26 mag arcsec−2,
then we would detect ∼60% of thick disk truncations. If
our detection threshold was µ3.6 µm(AB) = 25 mag arcsec−2,
then we would be detecting only ∼30% of the truncations.
These numbers would be compatible with a similar frequency
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Figure 13. Truncation radii of thick disks as a function of truncation radii for
thin disks. The solid line traces a one-to-one relation between the thin and the
thick disk truncation radius and the dotted lines indicates thick disks with a
truncation radius two times larger than that of the thin disk. Triangle symbols
stand for the second truncation in Type II+II and Type II+III+II profiles. Error
bars represent 2σ fitting errors.
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Figure 14. Ratio of the truncation break radius and the outer disk scale length
for the thin disk (left panel) and the thick disk (right panel). In the case of
Type II+II and Type II+III+II profiles, both truncations have been considered.
The gray histogram indicates thin disk truncations which are associated with a
thick disk truncation. The vertical dashed line shows the limit between inner
truncations and outer truncations according to the definition in Martı́n-Navarro
et al. (2012).

of truncations in thin and thick disks if thin and thick disk
truncations were completely unrelated.

However, truncations in thin and thick disks are not com-
pletely uncorrelated because we found the truncation radius for
the thin disk to be similar to that of the thick disk in most cases
(Figure 13). In cases of galaxies with two thin disk truncations,
the thick disk truncation has a radius similar to that of one of the
thin disk truncations. It thus seems that thick disk truncations
tend to be associated with a thin disk truncation. This is further
discussed in Section 6.1.

Martı́n-Navarro et al. (2012) divided truncations into inner
truncations and outer truncations. Inner truncations are those
for which the ratio of the truncation radius and the outer disk
scale length is smaller than 5, rb/ho < 5, and outer truncations
are those for which this ratio is larger than 5, rb/ho > 5. We
have checked in which category our truncations would fall
(Figure 14). We found that our thin disks have both inner
and outer truncations and that thick disks only have inner
truncations or borderline cases. We have also checked how
thin disk truncations associated with a thick disk truncation
are distributed. Again, we found that they may be inner or outer.
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Figure 15. Thick disk scale length as a function of thin disk scale length for
regions after a Type III break (antitruncation). In the bottom panel, the solid line
represents a slope equal to one and the dotted line represents a slope equal to
two; this factor of two ratio is indicated by the dotted line in the top panel too.
The top panel shows the axis is a logarithmic scale and the bottom panel shows
the range indicated by a box in the top panel with the axis displayed in a linear
scale. The dashed line in the bottom panel represents the best linear fit for the
galaxies displayed on it. Error bars represent 2σ fitting errors.

5.5. Antitruncations in Thin and Thick Disks

We define (ha)t as the scale length of the thin disk in the
section after an antitruncation (Type III break). We define (ha)T
as the scale length of the thick disk section that has the largest
overlap in galactocentric projected radius with the thin disk
section with scale length (ha)t .

We found that the fitted thin disk scale length after an
antitruncation ((ha)t ) and the fitted thick disk scale length at that
radius ((ha)T ) correlate quite well (Figure 15). If we consider the
galaxies appearing in the lower panel, then the slope is roughly
1.4 and the Pearsons correlation coefficient is ρ = 0.89. The
galaxies with (ha)t > 6 kpc have not been considered because
they are outliers which highly affect the fit.

According to the data in Table 7, thick disks are very rarely
found to antitruncate (6%) within the surface brightness limits
we are studying. We individually checked the origin of the
antitruncations in thick disks. That in NGC 5529 seems to
be a genuine antitruncation, with the host galaxy having a
significant warp. Additionally, NGC 5529 has at least four
companion galaxies (Irwin et al. 2007) within 10 arcmin or
150 kpc in projection. The brighter of these satellite galaxies,
MCG +06-31-085a, is around 4 mag fainter than the main
galaxy and is connected to it by an H i bridge (Kregel et al.
2004), suggesting that the unusual thick disk antitruncation
could be the consequence of an interaction. The antitruncations
in NGC 3600 and NGC 5084 are related to the presence of
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§ In the MW, alpha-rich stars mostly in inner 
disk, with short scale-length (Bensby et al. 2011; Cheng 
et al. 2012; Bovy et al. 2012; Nidever et al. 2014; Hayden et al. 2015)

§ In nearby galaxies, thick disks are extended

à is the MW actually different, or is it just a 
matter of definition?
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§ 2 phases :
• mergers form old, thick, concentrated component
• a long phase of secular evolution
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Figure 10. Scale-height as a function of scale-length for mono-age populations in the 7 simulated galaxies. The scale-heights are measured
at a radius of 2Rd. The colourcode and panel order are the same as in Figure 5. We find that the observed anti-correlation between
scale-height and scale-length can be reproduced in the simulations, and does not necessarily imply an absence of mergers.

• the anti-correlation does not necessarily imply an ab-
sence of mergers.

5 THIN-THICK DISK DICHOTOMY?

In this Section we explore if our simulated galaxies show
a clear thin/thick disk dichotomy, or a continuum of scale-
heights for populations of increasing age. We have already
discussed that mergers create gaps in the distribution of z0
with age, which suggests that galaxies undergoing mergers
would tend to host distinct thin and thick disks. However,
even for galaxies with a continous range of z0 for MAPs,
depending on the star formation history of the galaxy and
the mass in each population, gaps could appear in otherwise
smooth z0 distributions when weighted by the mass in each
MAP.

In Figure 11 we show for each simulated galaxy the
star formation history within a 2 kpc-wide annulus at 2Rd

(these values are computed from the stellar mass in each
MAP, and are thus representative of the stars found at 2Rd

at z = 0 independently of their birth location). We indeed
find that some MAPs contain very little mass. For most
galaxies, little mass is in populations older than 8 Gyr. For
t < 8 Gyr, the increasing mass in each MAP corresponds
to the start of disk formation, and is due to a mixture of
stars born in-situ and of stars born in the rest of the galaxy
which have migrated to 2Rd by z = 0. We find that mergers
create V-shaped features in this relation (this is particularly
obvious for g22, g48 and g102, bottom panels in Figure 11).
A similar shape was found in Figure 3 for the evolution
of the scale-length of the MAPs. As discussed in Section
3.1, this corresponds to star formation being limited to the
central regions of the galaxies after a merger occurred. This
also explains why few of these stars are found at a radius
of 2Rd, and why discontinuities are observed in the time
evolution of the mass of MAPs at that radius. Combined
with discontinuities in the scale-height of MAPs because of
mergers, this has the potential to create a dichotomy betwen
a thin and thick disk.

To explore that issue, we use a similar plot as the one
introduced by Bovy et al (2012a). We study how much each
MAP contributes to the total stellar mass surface density
at a given radius as a function of their z0. In Figure 12 we
show the contribution of each MAP, as well as the contri-
butions binned as a function of z0 (in bins of 150 pc). To
improve the statistics, we here consider MAPs in 250 Myr
age bins instead of 500 Myr as previously (the large num-
ber of particles in each MAP allows us to reduce the width
of each age bin while still keeping enough star particles to
determine z0).

This Figure shows that there is a clear difference be-
tween galaxies with quiescent and active merger histories.
A first difference is that the scale-height for the thickest
population is greater in galaxies with mergers compared to
quiescent galaxies. In addition, the three quiescent galaxies
show a continuous distribution of scale-heights (the shapes
of these distributions being quite different from one galaxy
to another), while the galaxies with mergers show some bi-
modal distributions, with clear gaps for g22, g48 and g102.
These gaps are a result of jumps in z0 for populations influ-
enced by the mergers, and match the time of coalescence of
the last merger so that the ”thick” populations are the pre-
merger populations (note that mergers also create jumps in
the age-velocity relation as discussed in Paper II). We find
that g106 does not have such a clear gap, but still shows
more bimodality than the quiescent galaxies.

We also note that even in the case of a continuous dis-
tribution of scale-heights, a simple two-component fit to the
vertical density profile of stars could give the impression of
a bimodality. For instance, for g92, which has a very reg-
ular and continuous structure, a decomposition into a thin
and thick disk is possible (but perhaps not physically mean-
ingful), and gives scale-heights of ∼300 pc and ∼800 pc,
relatively constant with radius out to R=4Rd. This means
that the standard decompositions into thin and thick disks
are entirely compatible with a continuum of scale-heights
for MAPs (as also shown by Rix & Bovy 2013 for the Milky
Way).
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Figure 5. Radial profiles of the scale-height for the mono-age populations (the colourcode indicates the age of each population, from 0
in blue to 11 Gyr in red). The solid lines correspond to the radial range up to R95 (radius containing 95% of stars of a given population),
the dashed lines extend out to R98. The upper row shows our three quiescent galaxies, while the lower row shows those with an active
merger history.

Figure 6. Radial profiles of σz for the mono-age populations. The solid lines show the radial range up to R95 for each population, the
dashed lines extend out to R98. The colourcode and panel order are the same as in Figure 5.

leads to less disc thickening, because gas can absorb part of
the kinetic energy. In addition, the incoming satellite is on
a prograde, low-inclination orbit, and triggers a strong spi-
ral structure in the main galaxy, accelerating disc growth.
Both the higher gas fraction and the particular orbit for the
satellite could contribute to the difference between g106 and
the other active galaxies.

3.3 Vertical velocity dispersions

In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.

Similarly to the scale-height analysis in the previous
section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
inner part of the disc of g47 is unperturbed.

Mergers seem mostly to produce gaps at all radii in
the sequence of increasing σz with age (i.e., gaps in the age-
velocity relations, as discussed in Paper II, to which we refer
the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
such a gap, mostly in its inner disc.

We now examine how σz varies with height above the
disc plane. We compute vertical profiles of σz at a radius
of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
Our vertical bins have a minimum height of 150 pc, and
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Figure 10. Scale-height as a function of scale-length for mono-age populations in the 7 simulated galaxies. The scale-heights are measured
at a radius of 2Rd. The colourcode and panel order are the same as in Figure 5. We find that the observed anti-correlation between
scale-height and scale-length can be reproduced in the simulations, and does not necessarily imply an absence of mergers.

• the anti-correlation does not necessarily imply an ab-
sence of mergers.

5 THIN-THICK DISK DICHOTOMY?

In this Section we explore if our simulated galaxies show
a clear thin/thick disk dichotomy, or a continuum of scale-
heights for populations of increasing age. We have already
discussed that mergers create gaps in the distribution of z0
with age, which suggests that galaxies undergoing mergers
would tend to host distinct thin and thick disks. However,
even for galaxies with a continous range of z0 for MAPs,
depending on the star formation history of the galaxy and
the mass in each population, gaps could appear in otherwise
smooth z0 distributions when weighted by the mass in each
MAP.

In Figure 11 we show for each simulated galaxy the
star formation history within a 2 kpc-wide annulus at 2Rd

(these values are computed from the stellar mass in each
MAP, and are thus representative of the stars found at 2Rd

at z = 0 independently of their birth location). We indeed
find that some MAPs contain very little mass. For most
galaxies, little mass is in populations older than 8 Gyr. For
t < 8 Gyr, the increasing mass in each MAP corresponds
to the start of disk formation, and is due to a mixture of
stars born in-situ and of stars born in the rest of the galaxy
which have migrated to 2Rd by z = 0. We find that mergers
create V-shaped features in this relation (this is particularly
obvious for g22, g48 and g102, bottom panels in Figure 11).
A similar shape was found in Figure 3 for the evolution
of the scale-length of the MAPs. As discussed in Section
3.1, this corresponds to star formation being limited to the
central regions of the galaxies after a merger occurred. This
also explains why few of these stars are found at a radius
of 2Rd, and why discontinuities are observed in the time
evolution of the mass of MAPs at that radius. Combined
with discontinuities in the scale-height of MAPs because of
mergers, this has the potential to create a dichotomy betwen
a thin and thick disk.

To explore that issue, we use a similar plot as the one
introduced by Bovy et al (2012a). We study how much each
MAP contributes to the total stellar mass surface density
at a given radius as a function of their z0. In Figure 12 we
show the contribution of each MAP, as well as the contri-
butions binned as a function of z0 (in bins of 150 pc). To
improve the statistics, we here consider MAPs in 250 Myr
age bins instead of 500 Myr as previously (the large num-
ber of particles in each MAP allows us to reduce the width
of each age bin while still keeping enough star particles to
determine z0).

This Figure shows that there is a clear difference be-
tween galaxies with quiescent and active merger histories.
A first difference is that the scale-height for the thickest
population is greater in galaxies with mergers compared to
quiescent galaxies. In addition, the three quiescent galaxies
show a continuous distribution of scale-heights (the shapes
of these distributions being quite different from one galaxy
to another), while the galaxies with mergers show some bi-
modal distributions, with clear gaps for g22, g48 and g102.
These gaps are a result of jumps in z0 for populations influ-
enced by the mergers, and match the time of coalescence of
the last merger so that the ”thick” populations are the pre-
merger populations (note that mergers also create jumps in
the age-velocity relation as discussed in Paper II). We find
that g106 does not have such a clear gap, but still shows
more bimodality than the quiescent galaxies.

We also note that even in the case of a continuous dis-
tribution of scale-heights, a simple two-component fit to the
vertical density profile of stars could give the impression of
a bimodality. For instance, for g92, which has a very reg-
ular and continuous structure, a decomposition into a thin
and thick disk is possible (but perhaps not physically mean-
ingful), and gives scale-heights of ∼300 pc and ∼800 pc,
relatively constant with radius out to R=4Rd. This means
that the standard decompositions into thin and thick disks
are entirely compatible with a continuum of scale-heights
for MAPs (as also shown by Rix & Bovy 2013 for the Milky
Way).
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Figure 5. Radial profiles of the scale-height for the mono-age populations (the colourcode indicates the age of each population, from 0
in blue to 11 Gyr in red). The solid lines correspond to the radial range up to R95 (radius containing 95% of stars of a given population),
the dashed lines extend out to R98. The upper row shows our three quiescent galaxies, while the lower row shows those with an active
merger history.

Figure 6. Radial profiles of σz for the mono-age populations. The solid lines show the radial range up to R95 for each population, the
dashed lines extend out to R98. The colourcode and panel order are the same as in Figure 5.

leads to less disc thickening, because gas can absorb part of
the kinetic energy. In addition, the incoming satellite is on
a prograde, low-inclination orbit, and triggers a strong spi-
ral structure in the main galaxy, accelerating disc growth.
Both the higher gas fraction and the particular orbit for the
satellite could contribute to the difference between g106 and
the other active galaxies.

3.3 Vertical velocity dispersions

In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.

Similarly to the scale-height analysis in the previous
section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
inner part of the disc of g47 is unperturbed.

Mergers seem mostly to produce gaps at all radii in
the sequence of increasing σz with age (i.e., gaps in the age-
velocity relations, as discussed in Paper II, to which we refer
the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
such a gap, mostly in its inner disc.

We now examine how σz varies with height above the
disc plane. We compute vertical profiles of σz at a radius
of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
Our vertical bins have a minimum height of 150 pc, and
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Figure 10. Scale-height as a function of scale-length for mono-age populations in the 7 simulated galaxies. The scale-heights are measured
at a radius of 2Rd. The colourcode and panel order are the same as in Figure 5. We find that the observed anti-correlation between
scale-height and scale-length can be reproduced in the simulations, and does not necessarily imply an absence of mergers.

• the anti-correlation does not necessarily imply an ab-
sence of mergers.

5 THIN-THICK DISK DICHOTOMY?

In this Section we explore if our simulated galaxies show
a clear thin/thick disk dichotomy, or a continuum of scale-
heights for populations of increasing age. We have already
discussed that mergers create gaps in the distribution of z0
with age, which suggests that galaxies undergoing mergers
would tend to host distinct thin and thick disks. However,
even for galaxies with a continous range of z0 for MAPs,
depending on the star formation history of the galaxy and
the mass in each population, gaps could appear in otherwise
smooth z0 distributions when weighted by the mass in each
MAP.

In Figure 11 we show for each simulated galaxy the
star formation history within a 2 kpc-wide annulus at 2Rd

(these values are computed from the stellar mass in each
MAP, and are thus representative of the stars found at 2Rd

at z = 0 independently of their birth location). We indeed
find that some MAPs contain very little mass. For most
galaxies, little mass is in populations older than 8 Gyr. For
t < 8 Gyr, the increasing mass in each MAP corresponds
to the start of disk formation, and is due to a mixture of
stars born in-situ and of stars born in the rest of the galaxy
which have migrated to 2Rd by z = 0. We find that mergers
create V-shaped features in this relation (this is particularly
obvious for g22, g48 and g102, bottom panels in Figure 11).
A similar shape was found in Figure 3 for the evolution
of the scale-length of the MAPs. As discussed in Section
3.1, this corresponds to star formation being limited to the
central regions of the galaxies after a merger occurred. This
also explains why few of these stars are found at a radius
of 2Rd, and why discontinuities are observed in the time
evolution of the mass of MAPs at that radius. Combined
with discontinuities in the scale-height of MAPs because of
mergers, this has the potential to create a dichotomy betwen
a thin and thick disk.

To explore that issue, we use a similar plot as the one
introduced by Bovy et al (2012a). We study how much each
MAP contributes to the total stellar mass surface density
at a given radius as a function of their z0. In Figure 12 we
show the contribution of each MAP, as well as the contri-
butions binned as a function of z0 (in bins of 150 pc). To
improve the statistics, we here consider MAPs in 250 Myr
age bins instead of 500 Myr as previously (the large num-
ber of particles in each MAP allows us to reduce the width
of each age bin while still keeping enough star particles to
determine z0).

This Figure shows that there is a clear difference be-
tween galaxies with quiescent and active merger histories.
A first difference is that the scale-height for the thickest
population is greater in galaxies with mergers compared to
quiescent galaxies. In addition, the three quiescent galaxies
show a continuous distribution of scale-heights (the shapes
of these distributions being quite different from one galaxy
to another), while the galaxies with mergers show some bi-
modal distributions, with clear gaps for g22, g48 and g102.
These gaps are a result of jumps in z0 for populations influ-
enced by the mergers, and match the time of coalescence of
the last merger so that the ”thick” populations are the pre-
merger populations (note that mergers also create jumps in
the age-velocity relation as discussed in Paper II). We find
that g106 does not have such a clear gap, but still shows
more bimodality than the quiescent galaxies.

We also note that even in the case of a continuous dis-
tribution of scale-heights, a simple two-component fit to the
vertical density profile of stars could give the impression of
a bimodality. For instance, for g92, which has a very reg-
ular and continuous structure, a decomposition into a thin
and thick disk is possible (but perhaps not physically mean-
ingful), and gives scale-heights of ∼300 pc and ∼800 pc,
relatively constant with radius out to R=4Rd. This means
that the standard decompositions into thin and thick disks
are entirely compatible with a continuum of scale-heights
for MAPs (as also shown by Rix & Bovy 2013 for the Milky
Way).
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Figure 10. Scale-height as a function of scale-length for mono-age populations in the 7 simulated galaxies. The scale-heights are measured
at a radius of 2Rd. The colourcode and panel order are the same as in Figure 5. We find that the observed anti-correlation between
scale-height and scale-length can be reproduced in the simulations, and does not necessarily imply an absence of mergers.

• the anti-correlation does not necessarily imply an ab-
sence of mergers.

5 THIN-THICK DISK DICHOTOMY?

In this Section we explore if our simulated galaxies show
a clear thin/thick disk dichotomy, or a continuum of scale-
heights for populations of increasing age. We have already
discussed that mergers create gaps in the distribution of z0
with age, which suggests that galaxies undergoing mergers
would tend to host distinct thin and thick disks. However,
even for galaxies with a continous range of z0 for MAPs,
depending on the star formation history of the galaxy and
the mass in each population, gaps could appear in otherwise
smooth z0 distributions when weighted by the mass in each
MAP.

In Figure 11 we show for each simulated galaxy the
star formation history within a 2 kpc-wide annulus at 2Rd

(these values are computed from the stellar mass in each
MAP, and are thus representative of the stars found at 2Rd

at z = 0 independently of their birth location). We indeed
find that some MAPs contain very little mass. For most
galaxies, little mass is in populations older than 8 Gyr. For
t < 8 Gyr, the increasing mass in each MAP corresponds
to the start of disk formation, and is due to a mixture of
stars born in-situ and of stars born in the rest of the galaxy
which have migrated to 2Rd by z = 0. We find that mergers
create V-shaped features in this relation (this is particularly
obvious for g22, g48 and g102, bottom panels in Figure 11).
A similar shape was found in Figure 3 for the evolution
of the scale-length of the MAPs. As discussed in Section
3.1, this corresponds to star formation being limited to the
central regions of the galaxies after a merger occurred. This
also explains why few of these stars are found at a radius
of 2Rd, and why discontinuities are observed in the time
evolution of the mass of MAPs at that radius. Combined
with discontinuities in the scale-height of MAPs because of
mergers, this has the potential to create a dichotomy betwen
a thin and thick disk.

To explore that issue, we use a similar plot as the one
introduced by Bovy et al (2012a). We study how much each
MAP contributes to the total stellar mass surface density
at a given radius as a function of their z0. In Figure 12 we
show the contribution of each MAP, as well as the contri-
butions binned as a function of z0 (in bins of 150 pc). To
improve the statistics, we here consider MAPs in 250 Myr
age bins instead of 500 Myr as previously (the large num-
ber of particles in each MAP allows us to reduce the width
of each age bin while still keeping enough star particles to
determine z0).

This Figure shows that there is a clear difference be-
tween galaxies with quiescent and active merger histories.
A first difference is that the scale-height for the thickest
population is greater in galaxies with mergers compared to
quiescent galaxies. In addition, the three quiescent galaxies
show a continuous distribution of scale-heights (the shapes
of these distributions being quite different from one galaxy
to another), while the galaxies with mergers show some bi-
modal distributions, with clear gaps for g22, g48 and g102.
These gaps are a result of jumps in z0 for populations influ-
enced by the mergers, and match the time of coalescence of
the last merger so that the ”thick” populations are the pre-
merger populations (note that mergers also create jumps in
the age-velocity relation as discussed in Paper II). We find
that g106 does not have such a clear gap, but still shows
more bimodality than the quiescent galaxies.

We also note that even in the case of a continuous dis-
tribution of scale-heights, a simple two-component fit to the
vertical density profile of stars could give the impression of
a bimodality. For instance, for g92, which has a very reg-
ular and continuous structure, a decomposition into a thin
and thick disk is possible (but perhaps not physically mean-
ingful), and gives scale-heights of ∼300 pc and ∼800 pc,
relatively constant with radius out to R=4Rd. This means
that the standard decompositions into thin and thick disks
are entirely compatible with a continuum of scale-heights
for MAPs (as also shown by Rix & Bovy 2013 for the Milky
Way).

c⃝ 0000 RAS, MNRAS 000, 000–000

Quiescent galaxies

Galaxies with mergers

Dissecting simulated disc galaxies I: the structure of mono-age populations 7
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merger history.

Figure 6. Radial profiles of σz for the mono-age populations. The solid lines show the radial range up to R95 for each population, the
dashed lines extend out to R98. The colourcode and panel order are the same as in Figure 5.

leads to less disc thickening, because gas can absorb part of
the kinetic energy. In addition, the incoming satellite is on
a prograde, low-inclination orbit, and triggers a strong spi-
ral structure in the main galaxy, accelerating disc growth.
Both the higher gas fraction and the particular orbit for the
satellite could contribute to the difference between g106 and
the other active galaxies.

3.3 Vertical velocity dispersions

In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.

Similarly to the scale-height analysis in the previous
section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
inner part of the disc of g47 is unperturbed.

Mergers seem mostly to produce gaps at all radii in
the sequence of increasing σz with age (i.e., gaps in the age-
velocity relations, as discussed in Paper II, to which we refer
the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
such a gap, mostly in its inner disc.

We now examine how σz varies with height above the
disc plane. We compute vertical profiles of σz at a radius
of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
Our vertical bins have a minimum height of 150 pc, and
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at a radius of 2Rd. The colourcode and panel order are the same as in Figure 5. We find that the observed anti-correlation between
scale-height and scale-length can be reproduced in the simulations, and does not necessarily imply an absence of mergers.
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depending on the star formation history of the galaxy and
the mass in each population, gaps could appear in otherwise
smooth z0 distributions when weighted by the mass in each
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obvious for g22, g48 and g102, bottom panels in Figure 11).
A similar shape was found in Figure 3 for the evolution
of the scale-length of the MAPs. As discussed in Section
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of 2Rd, and why discontinuities are observed in the time
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mergers, this has the potential to create a dichotomy betwen
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To explore that issue, we use a similar plot as the one
introduced by Bovy et al (2012a). We study how much each
MAP contributes to the total stellar mass surface density
at a given radius as a function of their z0. In Figure 12 we
show the contribution of each MAP, as well as the contri-
butions binned as a function of z0 (in bins of 150 pc). To
improve the statistics, we here consider MAPs in 250 Myr
age bins instead of 500 Myr as previously (the large num-
ber of particles in each MAP allows us to reduce the width
of each age bin while still keeping enough star particles to
determine z0).

This Figure shows that there is a clear difference be-
tween galaxies with quiescent and active merger histories.
A first difference is that the scale-height for the thickest
population is greater in galaxies with mergers compared to
quiescent galaxies. In addition, the three quiescent galaxies
show a continuous distribution of scale-heights (the shapes
of these distributions being quite different from one galaxy
to another), while the galaxies with mergers show some bi-
modal distributions, with clear gaps for g22, g48 and g102.
These gaps are a result of jumps in z0 for populations influ-
enced by the mergers, and match the time of coalescence of
the last merger so that the ”thick” populations are the pre-
merger populations (note that mergers also create jumps in
the age-velocity relation as discussed in Paper II). We find
that g106 does not have such a clear gap, but still shows
more bimodality than the quiescent galaxies.

We also note that even in the case of a continuous dis-
tribution of scale-heights, a simple two-component fit to the
vertical density profile of stars could give the impression of
a bimodality. For instance, for g92, which has a very reg-
ular and continuous structure, a decomposition into a thin
and thick disk is possible (but perhaps not physically mean-
ingful), and gives scale-heights of ∼300 pc and ∼800 pc,
relatively constant with radius out to R=4Rd. This means
that the standard decompositions into thin and thick disks
are entirely compatible with a continuum of scale-heights
for MAPs (as also shown by Rix & Bovy 2013 for the Milky
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shown to cause a vertical expansion and contrac-
tion in the outer and inner parts of the disk, respec-
tively. Flaring of mono-age populations was also
found in the cosmological re-simulations of Martig
et al. (2014b, submitted).

2. Simulations

Here we study a cosmological re-simulation of
an early type galaxy as described in Martig et al.
(2009, 2012). Details about the dynamics of this
simulation are presented by Martig et al. (2014a),
model g106.

We have rescaled the model to match the Milky
Way disc in terms of scale-length and mass, as done
in Minchev et al. (2013), where the same simula-
tion was used, but orbits were integrated for ad-
ditional two Gyr in order to get a larger range in
stellar ages.

The simulated galactic disk has a scale-length of
∼ 2.45 kpc when estimated from the total popula-
tion. The last massive merger talks place about
6 Gyr ago, after which smaller mergers (about
70-100 mass-to-disk ratio) of decreasing frequency
with time are present only.

3. Results

In the top panel of Fig. 1 we show scale-heights
of mono-age populations resulting from our simula-
tion in the region r < 16 kpc, 0.2 < |z| < 2.5 kpc,
where r is the galactocentric radius and z is the
distance from the disk midplane. Single exponen-
tial fits provide good fits at all radii. The strongest
flaring is found for the oldest populations, which
may be thought of as an inner halo. The gap at
∼ 7 − 8 age corresponds to the transition from a
merger dominated epoch to more quiescent evolu-
tion. The increase in scale-height for ages ∼ 6 Gyr
is about a factor of four in four scale-lengths. Flar-
ing decreases by about a factor of two for stars with
age < 2 Gyr. This decline in flaring for younger
populations results from (i) the decrease in time
available for populating the disk outskirts (central
region) with outward (inward) migrators, which
possess large (small) vertical actions (see Minchev
et al. 2012) and (ii) the exposure to small satellites
which affect more the disk outskirts.

In contrast to the mono-age populations dis-
cussed above, when we use stars of all ages the

Thick disk

Thin disk

Mono-age 
populations

All stars

Fig. 1.— Scale-height as a function of radius. Top:
Mono-age populations can be fitted well by single
exponentials at all radii. Different colors corre-
spond to different age groups, as indicated. Bot-

tom: The total stellar population requires two ex-
ponentials for a proper fit. No flaring present in
thin and thick disks.
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merger dominated epoch to more quiescent evolu-
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ing decreases by about a factor of two for stars with
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populations results from (i) the decrease in time
available for populating the disk outskirts (central
region) with outward (inward) migrators, which
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Figure 5. Radial profiles of the scale-height for the mono-age populations (the colourcode indicates the age of each population, from 0
in blue to 11 Gyr in red). The solid lines correspond to the radial range up to R95 (radius containing 95% of stars of a given population),
the dashed lines extend out to R98. The upper row shows our three quiescent galaxies, while the lower row shows those with an active
merger history.

Figure 6. Radial profiles of σz for the mono-age populations. The solid lines show the radial range up to R95 for each population, the
dashed lines extend out to R98. The colourcode and panel order are the same as in Figure 5.

leads to less disc thickening, because gas can absorb part of
the kinetic energy. In addition, the incoming satellite is on
a prograde, low-inclination orbit, and triggers a strong spi-
ral structure in the main galaxy, accelerating disc growth.
Both the higher gas fraction and the particular orbit for the
satellite could contribute to the difference between g106 and
the other active galaxies.

3.3 Vertical velocity dispersions

In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.

Similarly to the scale-height analysis in the previous
section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
inner part of the disc of g47 is unperturbed.

Mergers seem mostly to produce gaps at all radii in
the sequence of increasing σz with age (i.e., gaps in the age-
velocity relations, as discussed in Paper II, to which we refer
the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
such a gap, mostly in its inner disc.

We now examine how σz varies with height above the
disc plane. We compute vertical profiles of σz at a radius
of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
Our vertical bins have a minimum height of 150 pc, and
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satellite could contribute to the difference between g106 and
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In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.
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section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
inner part of the disc of g47 is unperturbed.

Mergers seem mostly to produce gaps at all radii in
the sequence of increasing σz with age (i.e., gaps in the age-
velocity relations, as discussed in Paper II, to which we refer
the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
such a gap, mostly in its inner disc.

We now examine how σz varies with height above the
disc plane. We compute vertical profiles of σz at a radius
of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
Our vertical bins have a minimum height of 150 pc, and
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the kinetic energy. In addition, the incoming satellite is on
a prograde, low-inclination orbit, and triggers a strong spi-
ral structure in the main galaxy, accelerating disc growth.
Both the higher gas fraction and the particular orbit for the
satellite could contribute to the difference between g106 and
the other active galaxies.

3.3 Vertical velocity dispersions

In the same radial and vertical range used to compute the
vertical density profiles, we estimate σz from the usual sec-
ond moment of the vertical velocity distribution. We show
in Figure 6 the radial profiles of σz for the MAPs in the
seven simulated galaxies.

Similarly to the scale-height analysis in the previous
section, we find that the two most quiescent galaxies (g37

and g92) show the most ordered and regular σz profiles:
populations of increasing age have an increasing σz, at all
radii except in the very outer disc. The fly-by experienced
by g47 leaves signatures in its σz profile, with an increased
σz in the outer disc for populations of intermediate age. The
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the reader for a more complete study), as seen for galaxies
g22, g48 and g102. Even g106, which has much more regular
σz profiles than the other galaxies with mergers, still shows
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of 2Rd (more exactly in a 2 kpc-wide annulus around 2Rd).
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shown to cause a vertical expansion and contrac-
tion in the outer and inner parts of the disk, respec-
tively. Flaring of mono-age populations was also
found in the cosmological re-simulations of Martig
et al. (2014b, submitted).

2. Simulations

Here we study a cosmological re-simulation of
an early type galaxy as described in Martig et al.
(2009, 2012). Details about the dynamics of this
simulation are presented by Martig et al. (2014a),
model g106.

We have rescaled the model to match the Milky
Way disc in terms of scale-length and mass, as done
in Minchev et al. (2013), where the same simula-
tion was used, but orbits were integrated for ad-
ditional two Gyr in order to get a larger range in
stellar ages.

The simulated galactic disk has a scale-length of
∼ 2.45 kpc when estimated from the total popula-
tion. The last massive merger talks place about
6 Gyr ago, after which smaller mergers (about
70-100 mass-to-disk ratio) of decreasing frequency
with time are present only.

3. Results

In the top panel of Fig. 1 we show scale-heights
of mono-age populations resulting from our simula-
tion in the region r < 16 kpc, 0.2 < |z| < 2.5 kpc,
where r is the galactocentric radius and z is the
distance from the disk midplane. Single exponen-
tial fits provide good fits at all radii. The strongest
flaring is found for the oldest populations, which
may be thought of as an inner halo. The gap at
∼ 7 − 8 age corresponds to the transition from a
merger dominated epoch to more quiescent evolu-
tion. The increase in scale-height for ages ∼ 6 Gyr
is about a factor of four in four scale-lengths. Flar-
ing decreases by about a factor of two for stars with
age < 2 Gyr. This decline in flaring for younger
populations results from (i) the decrease in time
available for populating the disk outskirts (central
region) with outward (inward) migrators, which
possess large (small) vertical actions (see Minchev
et al. 2012) and (ii) the exposure to small satellites
which affect more the disk outskirts.

In contrast to the mono-age populations dis-
cussed above, when we use stars of all ages the

Thick disk

Thin disk

Mono-age 
populations

All stars

Fig. 1.— Scale-height as a function of radius. Top:
Mono-age populations can be fitted well by single
exponentials at all radii. Different colors corre-
spond to different age groups, as indicated. Bot-

tom: The total stellar population requires two ex-
ponentials for a proper fit. No flaring present in
thin and thick disks.
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Fig. 1. Evolutionary track (from the pre-main sequence up to the tip of
the RGB) of the 1.25 M⊙ model computed with thermohaline mixing
only. The minimum and maximum luminosity of the bump are indi-
cated (Lb,min and Lb,max respectively) as well as the luminosity Lc,th at
which the thermohaline instability reaches the bottom of the convective
envelope. Open symbols labelled A1.25 to E1.25 correspond to evolution
points for which some stellar properties are discussed in the text. The
panel inserted on the right of the figure shows the evolution of the stellar
luminosity around the bump as a function of time. ∆tb is the time spend
by the star within the luminosity bump and equals to 3.9× 107 yrs in
the present case.

3. Theoretical predictions

We first consider the case of low-mass stars that ignite helium-
burning by a flash at the tip of the RGB well above (in terms
of luminosity) the bump. With the considered metallicity and in-
put physics this corresponds to stars with initial masses below
∼2.2 M⊙. We present detailed predictions for a 1.25 M⊙ model
computed without and with rotation (but with thermohaline mix-
ing in both cases) in Sects. 3.1 and 3.2 respectively, and discuss
the uncertainties on the thermohaline diffusivity in Sect. 3.3.
Section 3.4 is devoted to the case of stars in the mass range 1.5–
2.2 M⊙. Then in Sect. 3.5 we shortly discuss the predictions for
intermediate-mass stars.

3.1. 1.25 M⊙ model with thermohaline mixing only

Figure 1 presents the evolutionary track in the Hertzsprung-
Russell diagram (HRD) of the 1.25 M⊙ model computed with
thermohaline mixing only (no rotation). Several points are se-
lected along the track in order to discuss the evolution of some
relevant stellar properties. A1.25 corresponds to the turnoff, when
the hydrogen mass fraction in the stellar core is below 10−8.
B1.25 is chosen at intermediate luminosity between the bump
(which minimum and maximum luminosities, Lb,min and Lb,max,
are also shown) and the moment when the thermohaline zone
“contacts” the convective envelope (see below). C1.25 stands at
the “contact” luminosity Lc,th where surface abundances start
changing due to thermohaline mixing. D1.25 and E1.25 are close
to and at the tip of the RGB (then the mass of the helium core is

H H

H H

Fig. 2. Chemical structure at the turnoff of the 1.25 M⊙ star computed
for different initial rotation velocities as indicated. The mass fractions
are multiplied by 100 for 3He, 12C, and 14N, by 2500 for 13C, by
50, 900, and 5×104 for 16O, 17O, and 18O respectively, and by 1500
for 23Na. The vertical arrows show, in all cases, the maximum depth
reached by the convective envelope at its maximum extent during the
first dredge-up.

Table 1. Luminosities of the bump (Lb,min and Lb,max, see Fig. 1), of
the evolution point when the thermohaline zone contacts the convective
envelope (Lc,th), and of the RGB tip (Ltip), for the low-mass stars at
various initial rotation velocities.

M Vzams Lb,min Lb,max Lc,th Ltip
(M⊙) (kms−1) (L⊙) (L⊙) (L⊙) (L⊙)
1.25 0 37 45 94 2821

50 25 25 64 2798
80 15 16 72 2807

110 16 17 72 2798
1.5 0 50 59 784 2903

110 27 36 101 2869
1.8 0 74 83 1907 2995

110 51 57 145 2768
2.0 0 79 87 1908 2994

110 64 87 250 2872
180 74 117 256 2670
250 76 95 232 2416

0.428 and 0.486 M⊙ respectively, for a total stellar mass of 1.14
and 1.03 M⊙).

3.1.1. Main sequence and subgiant branch

Figure 2 depicts the chemical structure of a 1.25 M⊙ star at
the end of central hydrogen-burning (point A1.25; top left panel
for the present case without rotation-induced mixing). The most
fragile elements lithium, beryllium, and boron, which burn at
relatively low-temperatures and are preserved only in the most
external stellar layers, are not shown here. On the pre-main se-
quence, pristine deuterium is converted to 3He, while on the
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changing due to thermohaline mixing. D1.25 and E1.25 are close
to and at the tip of the RGB (then the mass of the helium core is

H H

H H

Fig. 2. Chemical structure at the turnoff of the 1.25 M⊙ star computed
for different initial rotation velocities as indicated. The mass fractions
are multiplied by 100 for 3He, 12C, and 14N, by 2500 for 13C, by
50, 900, and 5×104 for 16O, 17O, and 18O respectively, and by 1500
for 23Na. The vertical arrows show, in all cases, the maximum depth
reached by the convective envelope at its maximum extent during the
first dredge-up.

Table 1. Luminosities of the bump (Lb,min and Lb,max, see Fig. 1), of
the evolution point when the thermohaline zone contacts the convective
envelope (Lc,th), and of the RGB tip (Ltip), for the low-mass stars at
various initial rotation velocities.

M Vzams Lb,min Lb,max Lc,th Ltip
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1.25 0 37 45 94 2821

50 25 25 64 2798
80 15 16 72 2807

110 16 17 72 2798
1.5 0 50 59 784 2903

110 27 36 101 2869
1.8 0 74 83 1907 2995

110 51 57 145 2768
2.0 0 79 87 1908 2994

110 64 87 250 2872
180 74 117 256 2670
250 76 95 232 2416

0.428 and 0.486 M⊙ respectively, for a total stellar mass of 1.14
and 1.03 M⊙).

3.1.1. Main sequence and subgiant branch

Figure 2 depicts the chemical structure of a 1.25 M⊙ star at
the end of central hydrogen-burning (point A1.25; top left panel
for the present case without rotation-induced mixing). The most
fragile elements lithium, beryllium, and boron, which burn at
relatively low-temperatures and are preserved only in the most
external stellar layers, are not shown here. On the pre-main se-
quence, pristine deuterium is converted to 3He, while on the
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the RGB) of the 1.25 M⊙ model computed with thermohaline mixing
only. The minimum and maximum luminosity of the bump are indi-
cated (Lb,min and Lb,max respectively) as well as the luminosity Lc,th at
which the thermohaline instability reaches the bottom of the convective
envelope. Open symbols labelled A1.25 to E1.25 correspond to evolution
points for which some stellar properties are discussed in the text. The
panel inserted on the right of the figure shows the evolution of the stellar
luminosity around the bump as a function of time. ∆tb is the time spend
by the star within the luminosity bump and equals to 3.9× 107 yrs in
the present case.
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(which minimum and maximum luminosities, Lb,min and Lb,max,
are also shown) and the moment when the thermohaline zone
“contacts” the convective envelope (see below). C1.25 stands at
the “contact” luminosity Lc,th where surface abundances start
changing due to thermohaline mixing. D1.25 and E1.25 are close
to and at the tip of the RGB (then the mass of the helium core is
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Fig. 2. Chemical structure at the turnoff of the 1.25 M⊙ star computed
for different initial rotation velocities as indicated. The mass fractions
are multiplied by 100 for 3He, 12C, and 14N, by 2500 for 13C, by
50, 900, and 5×104 for 16O, 17O, and 18O respectively, and by 1500
for 23Na. The vertical arrows show, in all cases, the maximum depth
reached by the convective envelope at its maximum extent during the
first dredge-up.
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the evolution point when the thermohaline zone contacts the convective
envelope (Lc,th), and of the RGB tip (Ltip), for the low-mass stars at
various initial rotation velocities.
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and 1.03 M⊙).

3.1.1. Main sequence and subgiant branch

Figure 2 depicts the chemical structure of a 1.25 M⊙ star at
the end of central hydrogen-burning (point A1.25; top left panel
for the present case without rotation-induced mixing). The most
fragile elements lithium, beryllium, and boron, which burn at
relatively low-temperatures and are preserved only in the most
external stellar layers, are not shown here. On the pre-main se-
quence, pristine deuterium is converted to 3He, while on the
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the evolution point when the thermohaline zone contacts the convective
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for the present case without rotation-induced mixing). The most
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relatively low-temperatures and are preserved only in the most
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Fig. 10. Evolution of the surface abundance of 7Li in the 1.25 M⊙ star
up to the RGB tip when considering thermohaline transport but no
rotation-induced mixing. The black solid and red dashed curves cor-
respond to computations performed with Ct = 103 and 104 respectively.

only the very external regions of these atypical main sequence
stars and has no direct impact on the nuclear burning occuring
much deeper inside the star, nor on the RGB chemical properties.

We do not consider either the effect of atomic diffusion on
the RGB, although Michaud et al. (2010) pointed out that at that
phase 4He gravitational settling may eventually lead to a larger
µ-inversion than 3He-burning on the outskirts of the HBS. In
their computations, however, thermohaline mixing is not taken
into account. Consequently the effects of concentration varia-
tions on µ they get from pure atomic diffusion are maximum
compared to reality where thermohaline mixing (induced by
3He-burning and eventually by 4He-settling) counteracts atomic
diffusion. Michaud and collaborators have estimated that a value
of Dthc of the order of 107 cm2 s−1 is able to substantially re-
duce (by a factor of 10) the small gradients of He caused by
atomic diffusion on the RGB for a 0.95 M⊙, Z = 0.004 model.
Given that this number is smaller than Dthc obtained in our RGB
models (see Figs. 4 and 9), we can safely assume that the ef-
fects of atomic diffusion must be wiped out by turbulence and
that 3He-burning is the dominating process inducing thermoha-
line instability between the HBS and the convective envelope
in RGB stars. We are aware that some 4He settling may remain
even under the counteracting action of thermohaline mixing, al-
though this should be confirmed by computations that are out
of the scope of the present paper. One may note, however, that
this should simply slightly re-inforce the µ-inversion induced by
3He-burning (although to a much lower extent than in Michaud’s
computations), and thus strengthen the thermohaline transport
compared to the present models.

3.4. Low-mass stars more massive than ∼1.5 M⊙

Table 1 gives the luminosity of the bump as well as the lu-
minosity Lc,th at which the thermohaline instability “contacts”

Fig. 11. Same as Fig. 2 for the 2.0 M⊙ star computed for different initial
rotation velocities, as indicated. The mass fractions are multiplied by
100 for 3He, 12C, and 14N, by 2500 for 13C, by 50, 1100, and 5×104

for 16O, 17O, and 18O respectively, and by 1500 for 23Na. The vertical
arrows show, in all cases, the maximum depth reached by the convective
envelope at its maximum extent during the first dredge-up.

the base of the convective envelope for all the low-mass stellar
models computed both without and with rotation for the present
study. As we have just seen, for RGB stars less massive than
∼1.5 M⊙, thermohaline mixing starts changing the surface abun-
dances soon after the bump. However, for RGB stars with ini-
tial mass higher than 1.5 M⊙ computed without rotation-induced
mixing, the thermohaline instability is long quenched into a very
thin region, and is able to connect the external wing of the HBS
with the convective envelope only when the star reaches already
very high luminosity, close from the RGB tip. This is consistent
with the finding by Cantiello & Langer (2008, 2010) of an up-
per mass limit for efficient thermohaline mixing in non-rotating
low-mass RGB stars. However, as we shall see below, this con-
clusion does not hold anymore when one considers the impact
of stellar rotation.

Let us now discuss indeed the case of a 2.0 M⊙ star which
interior chemical structure at the turnoff is shown in Fig. 11 for
different initial velocities. As for the 1.25 M⊙ models discussed
before, rotation-induced mixing smoothes the abundance pro-
files inside the star and in the present case it already leads to
variations of the surface abundances on the main sequence that
are stronger for higher initial rotation velocities (this can be seen
by looking at the abundance values at Mr/M∗ = 1 in the vari-
ous panels of Fig. 11; see also e.g. Meynet & Maeder 2002).
Note also that the maximum value of 3He at the peak is much
lower than in the 1.25 M⊙, because on the main sequence the
2.0 M⊙ burns hydrogen mainly through the CNO cycle rather
than through the pp-chains. The more massive star thus dredges
less 3He on the subgiant branch as can be seen by comparing
Figs. 6 and 12.

Figure 12 shows the evolution of the surface abundances of
3He, 7Li, 14N, and of the 12C/13C, 16O/17O, and 16O/18O ratios
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much deeper inside the star, nor on the RGB chemical properties.

We do not consider either the effect of atomic diffusion on
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phase 4He gravitational settling may eventually lead to a larger
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the base of the convective envelope for all the low-mass stellar
models computed both without and with rotation for the present
study. As we have just seen, for RGB stars less massive than
∼1.5 M⊙, thermohaline mixing starts changing the surface abun-
dances soon after the bump. However, for RGB stars with ini-
tial mass higher than 1.5 M⊙ computed without rotation-induced
mixing, the thermohaline instability is long quenched into a very
thin region, and is able to connect the external wing of the HBS
with the convective envelope only when the star reaches already
very high luminosity, close from the RGB tip. This is consistent
with the finding by Cantiello & Langer (2008, 2010) of an up-
per mass limit for efficient thermohaline mixing in non-rotating
low-mass RGB stars. However, as we shall see below, this con-
clusion does not hold anymore when one considers the impact
of stellar rotation.

Let us now discuss indeed the case of a 2.0 M⊙ star which
interior chemical structure at the turnoff is shown in Fig. 11 for
different initial velocities. As for the 1.25 M⊙ models discussed
before, rotation-induced mixing smoothes the abundance pro-
files inside the star and in the present case it already leads to
variations of the surface abundances on the main sequence that
are stronger for higher initial rotation velocities (this can be seen
by looking at the abundance values at Mr/M∗ = 1 in the vari-
ous panels of Fig. 11; see also e.g. Meynet & Maeder 2002).
Note also that the maximum value of 3He at the peak is much
lower than in the 1.25 M⊙, because on the main sequence the
2.0 M⊙ burns hydrogen mainly through the CNO cycle rather
than through the pp-chains. The more massive star thus dredges
less 3He on the subgiant branch as can be seen by comparing
Figs. 6 and 12.
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Fig. 1. Upper panel: run of the [C/N] abundance ratio within a 0.9 M⊙
stellar model ([M/H] = −0.35, scaled solar metal mixture), before the
occurrence of the FDU (thick line) and right after the completion of the
FDU (thin line). The horizontal axis displays the local fractional mass
(mass enclosed within a distance r from the centre divided by the total
mass). Lower panel: as upper panel but for the individual mass fractions
of N (dashed lines) and C (solid lines).

uncertainties relevant to the calibration. Section 3 compares our
results with [C/N]FDU–[M/H]–t relationships determined from
independent sets of stellar models, and this is followed by a sum-
mary of our results.

2. Theoretical calibration of [C/N]FDU vs. age

Stellar model calculations show that at the end of the main se-
quence (MS) phase, the outer convection zone progressively en-
gulfs deeper regions, dredging to the surface matter which has
been partially processed by H-burning during the MS (the FDU).
Chemical elements affected by the FDU are essentially C, N,
Li, and He. Both He and N abundances increase, whilst Li and
C decrease, the 12C/13C ratio drops to values of ∼20−25 (see,
e.g., Karakas & Lattanzio 2014, and references therein) and the
14N/15N ratio increases, due to mixing of the envelope’s initial
composition with inner layers processed by the CN-cycle, where
Li has also been burned. This slow variation in the photospheric
chemical composition halts at the maximum penetration of the
convective envelope, at which point the inner convective bound-
ary starts to move back towards the surface, leaving behind a
chemical discontinuity. This discontinuity, when crossed by the
advancing (in mass) H-burning shell, causes the appearance of
the RGB bump in the luminosity function of old stellar popula-
tions (see, e.g. Cassisi & Salaris 2013).

As an example, Fig. 1 displays the inner C and N stratifi-
cations together with the corresponding [C/N] ratio before the
start, and at the completion of the FDU respectively, of a 0.9 M⊙
model with metallicity [M/H] = −0.35 from the BaSTI stellar
evolution database2 (Pietrinferni et al. 2004, 2006) This value
of [M/H] is obtained from Z = 0.008, Y = 0.256 (scaled solar
metal mixture) according to [M/H] = log(Z/X)star − log(Z/X)⊙
2 http://www.oa-teramo.inaf.it/BASTI/

Fig. 2. Theoretical predictions for the run of [C/N]FDU as a function of
age for selected metallicities. From top to bottom, at an age of 10 Gyr,
[M/H] is equal to −2.27 (dotted line), −1.49 (short dashed), −1.27(long
dashed), −0.66 (dot-dashed), −0.35 (thick solid), 0.06 (thin solid) and
0.26 dex (thin long dashed), respectively. Data for halo field stars and
the labelled open clusters are also plotted (see text for details).

where Z, X = 1 − Z − Y, and Y denote the metal, hydrogen and
He mass fractions3

The pre-FDU nitrogen chemical profile displays clearly three
steps. Moving inwards, we find the initial abundance first, then
the higher CN-cycle equilibrium value, and the even higher full
CNO-cycle equilibrium value in the very central layers. The car-
bon abundances follow their own pattern of initial, CN-cycle
and CNO-cycle equilibrium abundances. After the FDU is com-
pleted, convection has mixed the surface with the CN equilib-
rium layers, and the final uniform abundance of N in the enve-
lope has increased, whilst the C abundance has decreased. The
corresponding behaviour of the [C/N] ratio is displayed in the
upper panel of the same figure.

At FDU completion the convective envelope contains ∼72%
of the total mass. When the mass of the model increases, surface
convection at the FDU engulfs a larger fraction of the total stellar
mass, and the net result is a decrease in [C/N] with increasing
RGB mass – hence decreasing age of the host population – in
the relevant mass (age) range.

Figure 2 displays our theoretical calibration of the
[C/N]FDU–[M/H]–t relation, obtained from the BaSTI stellar
model library, including overshooting from MS convective cores
and a scaled-solar heavy element distribution (see Pietrinferni
et al. 2004, for more details). The MS convective cores have
been extended beyond the boundary given by the Schwarzschild
criterion by an amount λovHp, where Hp is the pressure scale
height at the Schwarzschild border and λov a free parameter.
For masses larger than or equal to 1.7M⊙, BaSTI models em-
ploy λov = 0.20Hp; for stars less massive than 1.1 M⊙ λov = 0,
while in the intermediate range of the model grid (M = 1.1,

3 In general, if the metal mixture of the models is scaled solar, [M/H] =
[Fe/H]. In case of α-element enhanced ([α/Fe] > 0) metal distribu-
tions, to a good approximation [M/H] ∼ [Fe/H] + log(0.638f α + 0.362)
where fα = 10[α/Fe] (Salaris et al. 1993).
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Fig. 1. Upper panel: run of the [C/N] abundance ratio within a 0.9 M⊙
stellar model ([M/H] = −0.35, scaled solar metal mixture), before the
occurrence of the FDU (thick line) and right after the completion of the
FDU (thin line). The horizontal axis displays the local fractional mass
(mass enclosed within a distance r from the centre divided by the total
mass). Lower panel: as upper panel but for the individual mass fractions
of N (dashed lines) and C (solid lines).
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results with [C/N]FDU–[M/H]–t relationships determined from
independent sets of stellar models, and this is followed by a sum-
mary of our results.
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e.g., Karakas & Lattanzio 2014, and references therein) and the
14N/15N ratio increases, due to mixing of the envelope’s initial
composition with inner layers processed by the CN-cycle, where
Li has also been burned. This slow variation in the photospheric
chemical composition halts at the maximum penetration of the
convective envelope, at which point the inner convective bound-
ary starts to move back towards the surface, leaving behind a
chemical discontinuity. This discontinuity, when crossed by the
advancing (in mass) H-burning shell, causes the appearance of
the RGB bump in the luminosity function of old stellar popula-
tions (see, e.g. Cassisi & Salaris 2013).

As an example, Fig. 1 displays the inner C and N stratifi-
cations together with the corresponding [C/N] ratio before the
start, and at the completion of the FDU respectively, of a 0.9 M⊙
model with metallicity [M/H] = −0.35 from the BaSTI stellar
evolution database2 (Pietrinferni et al. 2004, 2006) This value
of [M/H] is obtained from Z = 0.008, Y = 0.256 (scaled solar
metal mixture) according to [M/H] = log(Z/X)star − log(Z/X)⊙
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[M/H] is equal to −2.27 (dotted line), −1.49 (short dashed), −1.27(long
dashed), −0.66 (dot-dashed), −0.35 (thick solid), 0.06 (thin solid) and
0.26 dex (thin long dashed), respectively. Data for halo field stars and
the labelled open clusters are also plotted (see text for details).

where Z, X = 1 − Z − Y, and Y denote the metal, hydrogen and
He mass fractions3
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steps. Moving inwards, we find the initial abundance first, then
the higher CN-cycle equilibrium value, and the even higher full
CNO-cycle equilibrium value in the very central layers. The car-
bon abundances follow their own pattern of initial, CN-cycle
and CNO-cycle equilibrium abundances. After the FDU is com-
pleted, convection has mixed the surface with the CN equilib-
rium layers, and the final uniform abundance of N in the enve-
lope has increased, whilst the C abundance has decreased. The
corresponding behaviour of the [C/N] ratio is displayed in the
upper panel of the same figure.

At FDU completion the convective envelope contains ∼72%
of the total mass. When the mass of the model increases, surface
convection at the FDU engulfs a larger fraction of the total stellar
mass, and the net result is a decrease in [C/N] with increasing
RGB mass – hence decreasing age of the host population – in
the relevant mass (age) range.

Figure 2 displays our theoretical calibration of the
[C/N]FDU–[M/H]–t relation, obtained from the BaSTI stellar
model library, including overshooting from MS convective cores
and a scaled-solar heavy element distribution (see Pietrinferni
et al. 2004, for more details). The MS convective cores have
been extended beyond the boundary given by the Schwarzschild
criterion by an amount λovHp, where Hp is the pressure scale
height at the Schwarzschild border and λov a free parameter.
For masses larger than or equal to 1.7M⊙, BaSTI models em-
ploy λov = 0.20Hp; for stars less massive than 1.1 M⊙ λov = 0,
while in the intermediate range of the model grid (M = 1.1,

3 In general, if the metal mixture of the models is scaled solar, [M/H] =
[Fe/H]. In case of α-element enhanced ([α/Fe] > 0) metal distribu-
tions, to a good approximation [M/H] ∼ [Fe/H] + log(0.638f α + 0.362)
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-Provide a fit to this
- Maybe also test: include log g in the MCMC, consider

C and N separately Maybe our current fits do not need logg
because we don’t have so many stars in specific parts of the
HR diagram (like upper RGB), but if someone wanted to
look specifically at upper RGB then they would get errors.
We can assess this by looking at mass residual errors not just
globally but for different populations in the HR diagram.
Morgan thinks that the error we make for lower RGB is due
to CNO cycle not being totally fully in place

results for logg> 2.7 MCMC result: m0 =
1.11094161733 +0.0380275067853 -0.0391400592202 t1
= -0.532038157055 +0.166377554046 -0.164308261104 t2
= -1.14361299073 +0.287054322799 -0.293859199949 t3
= -0.70251938268 +0.269479578914 -0.277557333214 t4
= 1.32947583511 +0.566463670819 -0.562815486781 t5 =
-0.56729792384 +0.63481182032 -0.62150224114 sigma0 =
0.1549463583 +0.0165967846158 -0.0161030271148

for 2.3<log g<2.7 m0 = 1.01230701041
+0.0135866948402 -0.0136903841899 t1 = -0.365672031313
+0.0667132973698 -0.067784225057 t2 = -1.37079906474
+0.103498970706 -0.105396857847 t3 = -0.455300623405
+0.117424391317 -0.119180666798 t4 = -0.27175815401
+0.215685158244 -0.21734186113 t5 = -1.06257773888
+0.252510417649 -0.260754729092 sigma0 =
0.0984927308219 +0.00808104243269 -0.00819957779178

for logg < 2.3 m0 = 1.0764476688 +0.0497676070733
-0.0503144302626 t1 = -0.202482949793 +0.189277910062

-0.186717796867 t2 = -0.822770281434 +0.36256418683
-0.349681281915 t3 = -0.355623529362 +0.233635152964
-0.230148152691 t4 = 0.86718597204 +0.649547667404
-0.639860756097 t5 = -1.19685072009 +0.62642864879
-0.629937640932 sigma0 = 0.0295677444211
+0.0281667596737 -0.020035105251

6.2 How well it works

Plot (mass-model)/mass, and maybe also (mass-
model)/sigma

Is there any systematic deviation? as a function of mass,
logg, alpha?

Discuss catastrophic failures
Issue mostly in RC, and even specifically the secondary

clump. Bovy’s RC paper mentions that secondary clump
stars are over-represented in APOKASC sample

The scaling rlations could have to be modified for the
RC stars (Miglio 2012) "Given that stars on the RGB have
an internal temperature (hence sound speed) distribution
significantly different from that of RC stars, we investigated
whether this difference could have an impact on the mass
determination via the delta nu scaling relation. These find-
ings suggest that, if we intend to use the ôŔś£Î¡ scaling to
estimate stellar mean density, a relative correction has to
be considered when dealing with RC and RGB stars. This
relative correction is expected to be mass-dependent and to
be larger for low-mass stars, which have significantly differ-
ent internal structure when ascending the RGB compared
to when they are in the core-He- burning phase. We com-
puted radial oscil- lation frequencies with the LOSC code
(Scuflaire et al. 2008) and found that the RC model had a
mean large frequency separation âĹĳ3.3 per cent larger than
the RGB model, despite having the same mean density.

What is teh effect of mass loss on the RGB?

7 STELLAR AGES AND APPLICATION TO

DR12 DATA

Show how we can get a handle on age from mass and metal-
licity (refer to Figures 4 and 5 in Martig et al. (2015) )

Apply to RC sample
Science result: the morphologically defined thick disk

shows a radial age gradient. Take stars at 1 < z < 2 kpc

c⃝ 0000 RAS, MNRAS 000, 000–000
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Kepler and CoRoT have detected solar-
like oscillations in 1000s of giants

• Acoustic oscillations

• Stochastically excited 
by turbulence in outer 
layers of the convective 
zone

• Present in all stars with 
a convective zone

Chaplin	&	Miglio 2013
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Figure 3
Solar-like oscillation spectra of five stars observed by Kepler, using its short-cadence data (see Section 3). Each star has a mass of
∼1 M⊙. Stars are arranged from top to bottom in order of decreasing νmax, i.e., decreasing surface gravity. The top two stars—KIC
8006161 and KIC 12069424 (16 Cyg A)—are main-sequence stars. The third and fourth stars down—KIC 6442183 (HD 183159) and
KIC 12508433—are subgiants. The bottom star (KIC 6035199) lies at the base of the RGB. Échelle diagrams of KIC 12069424 and
KIC 6442183 may be found in Figure 2.
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Solar-like oscillation spectra of five stars observed by Kepler, using its short-cadence data (see Section 3). Each star has a mass of
∼1 M⊙. Stars are arranged from top to bottom in order of decreasing νmax, i.e., decreasing surface gravity. The top two stars—KIC
8006161 and KIC 12069424 (16 Cyg A)—are main-sequence stars. The third and fourth stars down—KIC 6442183 (HD 183159) and
KIC 12508433—are subgiants. The bottom star (KIC 6035199) lies at the base of the RGB. Échelle diagrams of KIC 12069424 and
KIC 6442183 may be found in Figure 2.
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It is worth remarking that l = 3 modes are detectable in 16 Cyg A. This is due to the exceptional
quality of its Kepler data. Indeed, the quality is so good that the signal-to-noise (S/N) ratio in the
modes is limited by intrinsic stellar noise and not by shot noise. Typically, COROT and Kepler
give useable data for solar-type stars up to l = 2, with the very weak l = 3 modes usually lost
in the noise (see also Section 3 below).

The oscillation peaks in the frequency-power spectrum have an underlying Lorentzian-like ap-
pearance, i.e., the form expected for damped oscillations. The widths of the Lorentzians provide
a measure of the linear damping rates, whereas the amplitudes—which increase with decreasing
log g, as stars evolve—are set by the delicate balance between the excitation and damping. Small
asymmetries of the Lorentzian peaks are detectable in solar p modes and are expected in other
stars. These asymmetries arise from the very localized (in radius) excitation source and the corre-
lation of the p-mode signal and granulation signal (the latter excites and damps the former; e.g.,
see Roxburgh & Vorontsov 1997). Measurement of the excitation and damping parameters pro-
vides the means to infer various important properties of the still poorly understood near-surface
convection (e.g., see Chaplin et al. 2005, Samadi et al. 2007, Houdek 2010).

The observed powers of modes in the oscillation spectrum are modulated in frequency by
a Gaussian-like envelope (see Figure 1, inset on left). The frequency of maximum oscillations
power, νmax, carries diagnostic information on the excitation and damping and hence physical
conditions in the near-surface layers. The behavior of waves close to the surface is influenced
strongly by the acoustic cut-off frequency, νac, which is given by

ν2
ac =

!
c

4π H

"2!

1 − 2
dH
dr

"

, (8)

with c the speed of sound and H = −(d ln ρ/dr)−1 the density scale height. The sharp rise in
νac close to the surface of a star describes an efficient boundary for the reflection of waves having
ν < νac, hence fixing a notional upper limit in frequency for the trapped oscillations.

Brown et al. (1991) conjectured that νmax ∝ νac because both frequencies are determined by
the near-surface properties. We may turn this into a relation linking νmax to measurable surface
properties of a solar-like oscillator by noting that for the relevant stellar models little accuracy is
lost by applying an isothermal approximation of Equation 8, where νac = c /(4π H ). This suggests
a scaling relation of the form (Kjeldsen & Bedding 1995)

νmax ∝ νac ∝ c
H

∝ g T −1/2
eff , (9)

where g ∝ M/R2 is the surface gravity and Teff is the effective temperature of the star. As a solar-
type star evolves, the frequencies shown by its most prominent oscillations therefore decrease,
largely in response to the falling surface gravity. Figure 3 shows the oscillation spectra of five
stars observed by Kepler (including 16 Cyg A), each having a mass of ∼1 M⊙. Surface gravity
decreases from top to bottom by about one order of magnitude. The top two stars lie on the main
sequence; the third and fourth stars are subgiants; and the bottom star lies near the base of the
red-giant branch (RGB). As we discuss in Section 4.1, Equation 9 appears to work remarkably
well in practice, although the power envelopes of some of the hottest F-type stars have a flatter
maximum (e.g., Procyon A; see Arentoft et al. 2008) raising question marks over the diagnostic
potential, and even the definition or meaning, of νmax in those stars. More work is clearly needed to
understand the observed νmax scaling, and theoretical studies have made progress on the problem
(e.g., see Belkacem et al. 2011).

After cessation of hydrogen core burning, stars leave the main sequence and their oscillation
spectra become more complicated. This is because there is no longer a clear separation of the
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2. A LITTLE BACKGROUND THEORY: SOLAR-LIKE OSCILLATIONS
The oscillations have their physical origins in two types of standing waves, those that are pre-
dominantly acoustic in character (commonly referred to as pressure modes or p modes), where
gradients of pressure act as the restoring force; or internal gravity waves (g modes), where the
effects of buoyancy are relevant. Modes of mixed character may also exist, displaying g-mode-like
behavior in the central region of a star, and p-mode-like behavior in the envelope.

Solar-like oscillations are intrinsically stable: They are driven stochastically and damped in-
trinsically by vigorous turbulence in the superficial layers of the subsurface convection zone (e.g.,
see Houdek et al. 1999, Samadi & Goupil 2001, and references therein). A necessary condition
for stars to show solar-like oscillations is therefore the presence of near-surface convection. The
oscillation spectra shown by solar-type and red-giant stars are very rich, with multiple overtones
excited to observable amplitudes. Because of geometrical cancellation, only modes of low angular
(spherical) degree, l, can be observed.

In this section we shall consider the oscillation spectra of cool stars in different evolutionary
states, beginning with main-sequence stars that show spectra of pure p modes. Our purpose is to
lay some of the groundwork for detailed discussion of results and future prospects in following
sections, where we also elaborate on some of the theory (as appropriate). We begin here by using
expressions based on an asymptotic treatment to illustrate the principal characteristics of the
spectra. The asymptotic formalism has its limitations, particularly when describing the oscillation
characteristics of evolved stars. Indeed, significant deviations from asymptotic behavior can even
become apparent in main-sequence stars. We shall see that these deviations may be used to make
key inferences on the internal structures of the stars.

Detectable p modes in main-sequence stars have high overtone numbers (radial orders) n,
meaning asymptotic theory may be applied to describe the frequencies νnl (i.e., as l/n → 0). An
approximate expression given to second order may be written (e.g., see Gough 1986, Christensen-
Dalsgaard & Houdek 2010):

νnl ≃ "ν

!
n + l

2
+ ϵ

"
− "ν2

#
A[l(l + 1)] − B

νnl

$
, (1)

where

"ν =
!

2
% R

0

dr
c

"−1

(2)

is the inverse of the acoustic diameter, i.e., the sound travel time across a stellar diameter, c being
the sound speed and R the stellar radius, and the coefficient ϵ depends on the cavity boundary
conditions, the behavior close to the stellar surface being most important. The coefficient A in
the second-order term is given by

A = (4π2"ν)−1
&

c (R)
R

−
% R

0

dc
dr

dr
r

'
, (3)

whereas B is a small correction that also depends on the surface boundary conditions.
The leading term on the right-hand side of Equation 1 implies a dominant overtone spacing in

the spectrum, the so-called large frequency separation between modes of the same l, i.e., "νnl =
νnl − νn−1 l ≃ "ν. Modes of even and odd degree should be separated by ≃"ν/2. The final term
on the right-hand side describes the departure from the degeneracy νnl ≈ νn+1 l−2 implied by the
first term, i.e.,

δνl l+2(n) = νnl − νn−1 l+2 ≃ −(4l + 6)
"ν

4π2νnl

% R

0

dc
dr

dr
r

. (4)
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Because of the uncertainities, we resort to using
isochrones as little as possible, and have a very simple ap-
proach, explained in the next section. We note that Ro-
drigues et al have the same issue, but argue that a tem-
perature offset is not important for their purpose, which is
measuring distances.

3 MEASURING MASSES AND AGES

3.1 Masses from seismic scaling relations

From the standard seismic scaling relations described in the
introduction, we can derive the mass of a star as:

M =

!

νmax

νmax,⊙

"3 !

∆ν
∆ν⊙

"4 !

Teff

Teff,⊙

"1.5

,

using νmax,⊙ = 3140µHz, ∆ν⊙ = 135.03µHz, and Teff,⊙ =
5777 K (as was used to build the APOKASC catalogue, see
XXX). We perform a simple error propagation to get an
error on this mass using the errors on νmax, ∆ν and Teff .
On average, the resulting mass errors are of 0.19 M⊙ (or
14%). In this computation, as a value of temperature er-
ror we only took into account the statistical error from the
APOGEE data reduction pipeline (this error is of the of 90
K on average). We do not attempt to correct for system-
atic metallicity-dependent errors (because at this stage, it
is unclear if the offset between APOKASC and isochrones
comes from the data or the isochrones, or both). However,
if we correct the APOKASC effective temperatures to bring
them closer to the isochrones, by using the simple prescrip-
tion:

Teff−modified =

#

Teff − 350× [Fe/H] if [Fe/H] < 0
Teff if [Fe/H] ! 0,

we find that the masses are increased by less than 0.1 M⊙

(see Figure 2). If indeed this correction should be applied, it
means that by not applying it we are systematically under-
estimating the masses of metal poor stars, which would lead
to an overestimate of their ages by up to a few Gyr. This is
acceptable since our purpose here is to provide upper limits
on ages.

3.2 From masses to ages

4 DISCUSSION
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Figure 2. Effect of a modification of Teff on the mass obtained
from scaling relations. The modified masses are typically higher
by ∼0.1M⊙ at most

Figure 3. Cumulative distribution of the minimum mass of stars
(defined as the lower limit of the 1σ confidence interval) for dif-
ferent bins of [α/Fe]
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-Provide a fit to this
- Maybe also test: include log g in the MCMC, consider

C and N separately Maybe our current fits do not need logg
because we don’t have so many stars in specific parts of the
HR diagram (like upper RGB), but if someone wanted to
look specifically at upper RGB then they would get errors.
We can assess this by looking at mass residual errors not just
globally but for different populations in the HR diagram.
Morgan thinks that the error we make for lower RGB is due
to CNO cycle not being totally fully in place

results for logg> 2.7 MCMC result: m0 =
1.11094161733 +0.0380275067853 -0.0391400592202 t1
= -0.532038157055 +0.166377554046 -0.164308261104 t2
= -1.14361299073 +0.287054322799 -0.293859199949 t3
= -0.70251938268 +0.269479578914 -0.277557333214 t4
= 1.32947583511 +0.566463670819 -0.562815486781 t5 =
-0.56729792384 +0.63481182032 -0.62150224114 sigma0 =
0.1549463583 +0.0165967846158 -0.0161030271148
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+0.0135866948402 -0.0136903841899 t1 = -0.365672031313
+0.0667132973698 -0.067784225057 t2 = -1.37079906474
+0.103498970706 -0.105396857847 t3 = -0.455300623405
+0.117424391317 -0.119180666798 t4 = -0.27175815401
+0.215685158244 -0.21734186113 t5 = -1.06257773888
+0.252510417649 -0.260754729092 sigma0 =
0.0984927308219 +0.00808104243269 -0.00819957779178

for logg < 2.3 m0 = 1.0764476688 +0.0497676070733
-0.0503144302626 t1 = -0.202482949793 +0.189277910062

-0.186717796867 t2 = -0.822770281434 +0.36256418683
-0.349681281915 t3 = -0.355623529362 +0.233635152964
-0.230148152691 t4 = 0.86718597204 +0.649547667404
-0.639860756097 t5 = -1.19685072009 +0.62642864879
-0.629937640932 sigma0 = 0.0295677444211
+0.0281667596737 -0.020035105251

6.2 How well it works

Plot (mass-model)/mass, and maybe also (mass-
model)/sigma

Is there any systematic deviation? as a function of mass,
logg, alpha?

Discuss catastrophic failures
Issue mostly in RC, and even specifically the secondary

clump. Bovy’s RC paper mentions that secondary clump
stars are over-represented in APOKASC sample

The scaling rlations could have to be modified for the
RC stars (Miglio 2012) "Given that stars on the RGB have
an internal temperature (hence sound speed) distribution
significantly different from that of RC stars, we investigated
whether this difference could have an impact on the mass
determination via the delta nu scaling relation. These find-
ings suggest that, if we intend to use the ôŔś£Î¡ scaling to
estimate stellar mean density, a relative correction has to
be considered when dealing with RC and RGB stars. This
relative correction is expected to be mass-dependent and to
be larger for low-mass stars, which have significantly differ-
ent internal structure when ascending the RGB compared
to when they are in the core-He- burning phase. We com-
puted radial oscil- lation frequencies with the LOSC code
(Scuflaire et al. 2008) and found that the RC model had a
mean large frequency separation âĹĳ3.3 per cent larger than
the RGB model, despite having the same mean density.

What is teh effect of mass loss on the RGB?

7 STELLAR AGES AND APPLICATION TO

DR12 DATA

Show how we can get a handle on age from mass and metal-
licity (refer to Figures 4 and 5 in Martig et al. (2015) )

Apply to RC sample
Science result: the morphologically defined thick disk

shows a radial age gradient. Take stars at 1 < z < 2 kpc
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Figure 13. Application of our model to APOGEE DR12 data. Both panels represent [�/M] as a function of [M/H], colour-coded by
predicted mass on the left and predicted age on the right

correlation between stellar mass and surface abundances of
carbon and nitrogen. The power of our approach is that for
the first time it is possible to empirically link mass and C, N
abundances for a large sample of stars, instead of relying on
models to make the connection between both (as was done
for instance by Masseron & Gilmore 2015). We show that,
as expected from stellar evolution models, the [C/N] ratio
of giants decreases with increasing stellar mass. The mag-
nitude of the observed decrease is to first order consistent
with simple dredge-up models: we do not see any strong
evidence for extra mixing in the APOKASC giants.
To further test models of mixing processes would require a
sample of stars reaching lower log g and/or lower metallic-
ity, for which these e"ects might be stronger (Gratton et al.
2000; Spite et al. 2005).

Using APOKASC as a training set, we provide several
sets of fitted formulae to predict mass and age as a function
of [M/H], [C/M], [N/M], [(C+N)/M], Te� and log g. For
the stars in the training set, our models are able to predict
masses with relative r.m.s. errors of 14 per cent and r.m.s
age errors of 40 per cent. This simple model has a small
bias in its mass estimates: our predicted mass are too high
at low masses and too low at high masses. This could ei-
ther mean that our models are not flexible enough, or that
the input data contain biases (either in the APOGEE stel-
lar parameters or in the seismic masses), or that the biases
reflect di"erent physical scalings between stellar mass and
surface abundances for di"erent types of stars. As discussed
in Section 5, mixing processes and mass loss e#ciency vary
as a function of stellar mass and could create part of the
bias we observe. Future versions of the APOKASC sample
will contain thousands of more stars, including stars at lower
metallicities and lower log g. This opens up many possibili-
ties for new projects, including for instance detailed compar-
isons between stellar models and data, and fitting the data
with more flexible methods, such as Gaussian processes.

We must emphasize that individual mass estimates (and
even more so age estimates) must be viewed with great cau-
tion, especially if they seem exceptional. For individual stars,
the surface abundance of C and N might not always reflect
their present day stellar mass, for instance if the presence of
a binary companion altered their surface composition and/or
their mass. Our method is therefore perhaps best suited for

statistical studies of large samples of stars, and to compare
the properties of di"erent populations.

Generally speaking, our method of deriving masses and
ages for giants has many advantages. First, it is calibrated
on asteroseismic data, and provides a relatively simple pre-
scription to transfer the seismic information onto larger data
sets. The ideal situation would be to directly have seismic
masses measured for large sample of stars covering a large
fraction of the Milky Way, but this is not presently the case.
In addition, we also note that relying on [�/M] as a proxy
for age (or using mono-abundance populations in the [�/M]
vs [M/H] plane as approximations of mono-age populations)
might work to some degree (as we also showed in Section 6),
but [�/M] is an age indicator that depends on the chemical
evolution of the Milky Way, and not on the properties of
individual stars.

A related approach to calibrate masses and ages for gi-
ants using seismic data is presented in Ness et al. (2015b).
The Cannon confirms that the mass/age information is
present in the APOGEE spectra, and that the five regions
that carry most of the mass/age information correspond to
four molecular CN lines and one molecular CO line. This is
encouraging, and future papers will compare both methods
of age determination: from the spectra with the Cannon, and
from the element abundances with our techniques. We will
also explore in more detail the implications of our work for
the formation and evolution of the Milky Way by comparing
the age structure of the Galaxy with numerical simulations.
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Table 2. Predicted masses and ages for stars in APOGEE DR12. We do not provide individual mass and age uncertainties because the
error budget is dominated by systematic errors. The full table is available in electronic form.

2MASS ID Te� [K] log g [M/H] [C/M] [N/M] Mout [M�] ageout [Gyr]

2M00000211+6327470 4600 2.5 0.02 -0.20 0.28 1.53 2.9
2M00000446+5854329 4725 2.9 0.02 -0.05 0.19 1.41 3.6
2M00000535+1504343 4791 3.3 -0.06 0.01 0.06 1.09 7.5
2M00000797+6436119 4449 2.5 -0.21 -0.05 0.18 1.29 3.9
2M00000818+5634264 4895 2.9 -0.19 0.10 -0.02 1.31 4.9
2M00000866+7122144 4585 2.7 -0.07 -0.09 0.25 1.40 3.2
2M00001104+6348085 4865 3.3 0.06 -0.09 0.15 1.57 2.8
2M00001242+5524391 4579 2.6 0.12 -0.01 0.25 1.17 6.3
2M00001296+5851378 4659 2.9 0.07 0.06 0.19 1.25 5.1
2M00001328+5725563 4461 2.6 0.10 -0.08 0.25 1.36 3.9

. . .

Galactic chemical evolution (Martig et al. 2015; Chiappini
et al. 2015). However, these stars could also be catastrophic
outliers in our fits, and their ages would need to be indepen-
dently confirmed with other techniques before we can draw
any conclusions about them.

It is also important to mention that while the rela-
tive distribution of ages looks plausible, the absolute scaling
might be slightly o⌧. Stars with [�/M] > 0.15 here have a
median age of 7.9 Gyr, while previous studies suggest ages
of the order of 9–10 Gyr for the �-rich sequence (Haywood
et al. 2013; Bensby et al. 2014; Bergemann et al. 2014).
Part of an explanation for the too low median age of the
�-rich stars could be related to the cuts we have to apply
to the DR12 sample (that might remove part of the param-
eter space where older stars would be found), but this issue
might simply reflect the fact that our model is known to
underestimate the ages of old stars (as shown in Figure 11).

An important sub-sample of DR12 is the red clump
catalogue of Bovy et al. (2014). A first advantage is that
selecting stars of a given evolutionary stage should reduce
biases in our relative mass determination, even though ages
for the RC are very dependent on the mass loss prescription
adopted. Another important advantage of that RC sample
is that distances have been determined with an individual
uncertainty of 5%, which allows to study the spatial distri-
bution of stars as a function of their age.

Applying our cuts to the RC catalogue produces a sam-
ple of 14,685 stars. Figure 14 represents the age distribution
of these stars in the [�/M] vs [M/H] plane, showing results
consistent with the larger DR12 sample. Figure 15 shows
the spatial distribution of stars colour-coded by their age.
As expected, young stars are concentrated towards the disk
mid-plane and older stars extend to higher height above and
below the disk. The existence of such spatial correlations re-
inforces the plausibility of our ages, at least in a relative
sense.

7 CONCLUSION

We have laid out a powerful and practical approach to esti-
mate stellar masses, and implied ages, for giant stars on the
basis of the stellar labels derived from their spectra. We use
a sample of 1,475 giant stars with asteroseismic mass esti-
mates from the APOKASC survey to study and model the

Figure 14. Application of our model to the red clump catalogue
of Bovy et al. (2014). The distribution of stellar ages in the [�/M]
vs [M/H] plane is consistent with the larger DR12 sample shown
in Figure 13.
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Figure 15. Spatial distribution of stars in the red clump cata-
logue, color coded by median age in bins of galactocentric radius
and height above and below the mid-plane. The young stars are
found close to the mid-plane, while old stars extend much further
above and below the disk.
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Simulations predicted radial age 
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Can we do this in nearby galaxies?

7. Description of the proposed programme and attachments

Description of the proposed programme (continued)

gradient would be an ultimate test of our predictions (and we will work on recovering star formation histories
using STARLIGHT), we can also use [�/Fe] as a proxy for age, and instead study the variations of [�/Fe] as a
function of galactocentric distance and height above the plane (see right panel in Fig. 1). The long wavelength
coverage of MUSE will allow us to measure [�/Fe] with a 0.1 dex relative precision, which is enough for our
purpose. We will both test full spectral fitting using STARLIGHT and simpler line strength analysis. On the
other hand, we will use pPXF to extract reliable velocity dispersions and to study the vertical variations of
the dispersion (we need to be able to measure variations of ⇥ of the order of 10 km/s to see jumps induced
by mergers). Finally, by fitting bulge-disk dynamical models we will be able to determine whether the bulge
behaves like an oblate spheroid or like a flattened, disk-like structure, and assess the similarity between bulge
and thick disk properties.
We have gathered a team with a diverse combination of expertise, and we are in a unique position to carry out
this project from start to finish. BH is an expert in IFU observations, data reduction and analysis. JFC is an
expert on IFU data analysis and bulge chemo-dynamical properties. GvdV has a proven track record in using
IFU data to constrain dynamical models of galaxies, and is also an expert on the Milky Way thick disk. MM
runs and uses galaxy formation simulations to study bulge and disk formation, and the connection between a
galaxy’s history and its present-day properties. IM is an expert of disk dynamics (including radial migration
and secular evolution) and chemo-dynamical modelling. DG is an expert in secular evolution and structural
analysis of galaxies. We have a long experience of using SAURON and CALIFA data, and have even already
analysed preliminary MUSE data for NGC4710 (see Fig. 3 – with unfortunately a too short exposure time of
only 30 min that does not allow to reach low surface brightness regions, but demonstrates that we are ready to
carry out our project).
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Attachments (Figures)
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%&'&()*+,-&-".)$/&'# Figure 1: Probing the build-up of thick disks with ra-
dial [�/Fe] gradients. Left: a decomposition of a simulated
galaxy into a thin and thick component shows that their scale-
height remains constant with radius (black points), while a
decomposition into mono-age populations shows that the disk
is made of a succession of populations, each with some flaring.
Oldest (most �-rich) populations are centrally concentrated,
and flare at small radii. Youngest populations are more ex-
tended, and flare at larger radii. The thick disk is thus made
of populations of decreasing age as a function of increasing ra-
dius (note that here, as for NGC5746, 0.5R25=17kpc). Right:
this results in radial [�/Fe] gradients (blue: -0.1<[�/Fe]<0,
to red: 0.2<[�/Fe]<0.3), directly observable with MUSE.
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Figure 2: The kinematics of thick disks keeps traces
of their formation history. Thick disks formed through
clumpy instabilities have a constant ⇥ at z>1 kpc, while both
secular processes and mergers produce strong vertical gradients
of velocity dispersion (here shown at 3 di�erent radii for 2
simulated galaxies), with some ⇥ jumps in the case of mergers.

Figure 3: Observing strategy. SDSS images of NGC4710
(top) and NGC5746 (bottom) with the proposed MUSE point-
ings superimposed. The dashed pointing corresponds to MUSE
data with a 30 min exposure, that does not allow to reach the
surface brightness level of the thick disk.
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A&A proofs: manuscript no. aa_FCC170_v2

Fig. 3. Maps of the stellar populations of FCC 170. From top to bottom: mean age, mean total metallicity [M/Fe] and mean [Mg/Fe] abundance. The
discarded bins and the position of the two MUSE pointings are plotted in grey. A scale bar on bottom-left of each map indicates the correspondence
with physical units.
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Summary
§ Thick disks: short scale-length in MW / extended 

in external galaxies

§ “Morphologically-defined” thick disks are not 
necessarily distinct, uniformly old components

§ C and N abundances trace stellar mass for giants
§ Allows first determination of ages for stars over a 

large volume of Milky Way
§ Age gradient present in APOGEE data


