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TDE Rates
• TDE rates set by passage of 

stars into loss cone
• Loss cone often described in 

terms of angular momentum 
space
✦ JLC2≈2 G MBH rt 

• Full or empty loss cone?
✦ q=ΔJ2/JLC2 
✦ Two-body relaxation 

ubiquitous 
✦ Flux maximized from critical 

(transition) radius rcrit ~ rinfl

(Freitag & Benz 02)



TDE Rates: History

(Frank & Rees 76)
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SUMMARY 

We discuss some dynamical and as trophy sical consequences of the presence 
of a massive black hole, of mass Mh in a dense stellar system, applying our 
results to the cores of globular clusters and to galactic nuclei. The black hole 
would dominate the dynamics of stars out to a radius>h — GMh/vc2, vc being 
the velocity dispersion in the core. Within ni, the stellar velocity dispersion is 
proportional to r“1/2 and the stellar density n(r) may be enhanced. A quasi- 
steady state can be established, involving a steady influx of stars which are 
swallowed or disrupted near the hole. We define and calculate a ‘ critical 
radius ’ rCrit such that most stars on orbits with r < rCrit diffuse into low- 
angular momentum ‘ loss-cone ’ orbits (and are swallowed) in the ‘ reference 
time ’ ír; whereas outside rCrit, loss-cone effects are negligible and atypical 
star diffuses inward into a more tightly-bound orbit on a time scale 
~tRl(r/rcrit)- The density profile in the cusp is n(r) oc r-7/4 for rCrit ^ ^h*, 
and somewhat flatter inside rCrit. Generally rCrit is larger than either the tidal 
radius tt of the hole or the ‘ collision radius * rCoii at which GMh/rCoii equals 
the binding energy per unit mass of a typical star: indeed, in some cases 
rCrit S;ni. 

The swallowing or disruption rate of stars varies as M4/3 when rCrit^^h, 
Met/2? when ni ;$rCrit 5rCoii and M3 when rcrit^f'coii. We discuss some 
consequences of stellar disruption and tidal capture by black holes of 103- 
io4M0 in globular clusters: X-ray emission, possible optical or ultraviolet 
‘ flares and the likelihood of there being a captured star in orbit near vt. 

Finally, we briefly apply our considerations to Hills’ quasar model, which 
invokes ^ 107 M0 black holes in galactic nuclei. 

I. INTRODUCTION 

Studies of dynamical evolution of dense stellar systems and the search for the 
mechanism powering galactic nuclei and QSOs have led many people to the idea 
that a massive black hole could be sitting at the centre of evolved stellar systems. 
Recent X-ray data (Clark, Markert & Li 1975) have prompted the suggestion that 
some globular clusters may contain central black holes of ~ 103 M0. We here 
discuss some dynamical and astrophysical consequences of this idea. Although we 
focus attention mainly on globular clusters, we conclude by applying our results to 
galactic nuclei, with particular reference to the recent model of Hills (1975). 

The stellar distribution in the cores of globular clusters (and perhaps galactic 
nuclei as well) can be described by a density nc and a ‘ core radius ’ rc. The virial 
theorem then tells us that the characteristic (one-dimensional) velocity dispersion 
is vc — (Gm%ncrc

2)1/2, being the stellar mass. If there is a central point mass 
Mr such that 7zcrc

3m# > Mh > then its potential well will affect the stellar 
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Realistic TDE Rates
• Theoretical rates calculated semi-

empirically (Magorrian & Tremaine 99, 
Wang & Merritt 04, NCS & Metzger 16):  
✦ Take sample of nearby galaxies 
✦ Deproject I(R) -> ρ(r)                    

[assumes sphericity] 
✦ Invert ρ(r) -> f(ε)                           

[assumes isotropy] 
✦ Compute diffusion coefficients 

<ΔJ2(ε)>, loss cone flux F(ε)                                
[assumes IMF]

• Γobs < Γtheory ~ few x 10-4/gal/yr  ?
✦ But see Auchettl talk, Saxton talk, 

Jonker talk, van Velzen 2017…

(Lauer+05)



Unusual Host Galaxy 
Preferences

• Many TDEs in rare post-starburst/E+A galaxies (Arcavi+14, French+16, 17, Law-
Smith+17, Graur+17) 

• Dynamical explanations: 

✦ Binary SMBHs; chaotic 3-body scatterings (Arcavi+14) 

✦ Nuclear triaxiality: collisionless effects (Merritt & Poon 04) 

✦ Eccentric nuclear disks: secular instabilities (Madigan talk) 

✦ Central overdensities; short relaxation times (NCS & Metzger 16) 

✦ Radial anisotropies: low angular momentum systems (NCS+17) 

• Non-dynamical explanations: 

✦ Selection effects?  (Preferential obscuration; c.f. Mushotzky) 

✦ GR effects?  (SMBH spin distribution)



1.  Nuclear Triaxiality?

(Merritt+13)

Loss Cone Dynamics 16

and q is the short-to-long axis ratio of the stellar figure [61]. A substantial fraction

of stars with ℓz < ℓlc, and with instantaneous angular momenta less than ∼ ϵ1/2 will

pass eventually within rlc. If the population of low-ℓ orbits is not too different from the

population in an isotropic, spherical galaxy having the same radial mass distribution,

the fraction of stars at any E that are destined to pass within rlc is

∼
! ℓlc

0

dℓz

!

√
ϵ

0

dℓ ≈
√
ϵℓlc (41)

compared with the smaller fraction ∼ ℓ2lc in a spherical galaxy. The timescale over which

these orbits are drained is the longer of the radial period and the period, tprec, associated

with precession through a full cycle in ℓ or cos i; the latter time is roughly ∼ ϵ−1/2 times

the “mass precession time” tM ≈ PM•/M⋆, i.e. the time for apsidal precession of an

orbit due to the (spherically) distributed mass. Near the influence radius, M⋆ ≈ M•,

and in a nucleus of moderate flattening, ϵ−1/2tM will be of order or somewhat longer than
P (rh). While longer than the time required for loss-cone draining in spherical galaxies,

this time is still short enough that the saucer orbits within ∼ rh would probably be

drained soon after the SBH is in place.

Figure 7. Two important types of orbit that exist near SBHs in axisymmetric or
triaxial nuclei. Left: saucer orbit; right: pyramid orbit. Each figure shows the surface
of the three-dimensional volume filled by the orbit; the SBH is at the origin and the
short (z) axis of the nucleus is indicated by the vertical line. Saucer orbits are present
in both axisymmetric and triaxial nuclei; their excursions in L are limited to L ≥ Lmin,
where Lmin = Lz in the axisymmetric case. Pyramid orbits exist only in the triaxial
geometry; they reach zero angular momentum at the corners of the pyramid. Both
types of orbit have counterparts obtained by reflection about a symmetry plane of the
potential.

Saucer-like orbits exist also in triaxial nuclei [53], but much of the phase space in

triaxial potentials is occupied by an additional family of orbits: the pyramid orbits [38],

Pyramid Orbit: 
J≥0

Triaxial PotentialAxisymmetric Potential

Saucer Orbit: 
J≥Jz



2.  Eccentric Stellar Disks?

(Madigan+17)
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Figure 1: Physics of orbital oscillations within a stable eccentric disk.

The entire disk (black) precesses in the prograde direction (counter-clockwise in this figure). If an orbit (red) moves ahead of the disk
(left panel), it feels a gravitational pull towards the bulk of the disk. This torques the orbit, decreasing its angular momentum and thus
increasing its orbital eccentricity ( j2/ (1� e2)). This lowers the orbit’s precession rate, allowing the bulk of the disk to catch up with
it. The reverse happens for an orbit which lags behind the bulk of the disk (right panel). The overall effect is to stabilize the disk: any
orbit which is perturbed off the disk is driven back toward it by torques and differential precession. The mechanism inducing this
stability leads to oscillations in eccentricity.

the disk orbits on each other are strong and can effectively
counteract e-vector differential precession.

The stability of a disk depends entirely on direction of its
e-vector precession. In Madigan, Levin & Hopman (2009),
we focused on the case in which an eccentric stellar disk
is embedded in a more massive ⇠symmetric nuclear star
cluster (such as in the Milky Way Galactic center; Feldmeier
et al., 2014). This additional gravitational potential leads to
retrograde precession1 of the orbits (e0 · vp < 0 where vp is
the velocity at periapsis). Retrograde precession, combined
with mutual gravitational torques, results in an ‘eccentric
disk instability’ which propels the orbits apart.

Here we focus on the case in which the mass of the asym-
metric eccentric disk is much greater than the background
stellar potential (as is true for the M31 nucleus; Kormendy &
Bender, 1999), such that the direction of precession for the
bulk of the disk is reversed. Prograde precession (e0 ·vp > 0)
leads instead to stability: orbits which precess ahead of the
disk feel a gravitational pull toward the disk behind it. We

1 An intuitive explanation for this retrograde precession can be seen
from equation 1b. In Gauss’s approximation, we spread the mass of the star
over its orbit, with the density inversely proportional to the instantaneous
velocity. Hence most of the mass of the orbit is located at apoapsis. For
sufficiently eccentric orbits and for typical nuclear star cluster density
profiles, the forces experienced at this location dominate over those at
periapsis. A spherical gravitational potential results in an inward radial
force at apoapsis; the first term in equation 1b gives retrograde precession.

show this in the left panel of figure 1. This gravitational
force creates a torque ⌧z < 0 (see equation 1a) which de-
creases the angular momentum of the orbit. Specific angular
momentum and energy are defined as

j2 = GM•a(1� e2) (2a)

E =
GM•
2a

. (2b)

The torque does not affect the energy, or equivalently the
semi-major axis, of the orbit. Hence the torque raises the
orbital eccentricity of the orbit. Increasing the eccentric-
ity slows its angular precession rate (/ f ⇥ j/e), stalling
the orbit until it is reabsorbed by the mean body of the
disk. A similar analysis shows that orbits which lag behind
the disk decrease in eccentricity, precess more rapidly and
are driven back towards the bulk of the disk (right panel
of figure 1). This stability mechanism implies both that a
coherent precessing eccentric disk maintains its shape in
response to perturbations, and that perturbed orbits un-
dergo oscillations in eccentricity and in orientation about
the mean body of the disk. A similar analysis shows that suf-
ficiently massive eccentric disks are stable to perturbations
in inclination resulting from out-of-plane forces. Strongly
perturbed and/or extremely eccentric orbits can flip their
orientation however; see § 3.4.

3



3.  SMBH Binaries?

(Prieto+16)
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Fig. 1.— Grey scale images showing the full 10 ⇥ 10 MUSE field centered on PGC 043234

(RA=12:48:15.24, DEC=+17:46:26.5), the host galaxy of the nearby TDE ASASSN-14li.

The left panel shows an image of the continuum emission at 5100 Å, just to the blue of

the strong [O III] �5007 nebular line at the redshift of PGC 043234. The right panel shows

an image at 5110 Å which includes [O III] �5007 nebular line emission at the redshift of

PGC 043234, that clearly reveals the presence of extended [O III] �5007 emission. The

extended source to the west of PGC 043234 is a background edge-on galaxy at z = 0.15

(RA=12:48:14.18, DEC=+17:46:28.0) and the point source to the south of PGC 043234 is

a foreground Galactic star (RA=12:48:15.21, DEC=+17:46:16.06).



SMBH Binaries
• Nascent SMBH binaries see increase in TDE 

rate: 
✦ Kozai effect (Ivanov+05) 
✦ Chaotic 3-body scatterings (Chen+11, Wegg 

& Bode 11) 
• Enhancement huge (Γ ~10-1/yr) but short-lived 

(<106 yr) 
✦ Occurs before final parsec problem 
✦ Unique lightcurves?  (Coughlin talk) 

• Possibly disfavored by: 
✦ Total rate fraction ~3-25% (Wegg & Bode 11) 
✦ Fine-tuned timescales 
✦ Mass distribution

The Astrophysical Journal Letters, 738:L8 (6pp), 2011 September 1 Wegg & Bode
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Figure 2. Results as described in Figure 1 for q = 0.3.
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Figure 3. Plots of our η = 1.25, q = 0.3 simulation. Left panel shows the stars that are tidally disrupted for rt /rc = 5 × 10−7 as a function of their initial radius and
z-component of angular momentum normalized to the circular angular momentum at that radius, Jz/Jc . The Kozai wedge is plotted together with the overall stellar
density. A large fraction of the disrupted stars lie well outside the Kozai wedge, indicating that these are chaotic orbits (see Chen et al. 2009). The contours show the
initial stellar distribution, each is evenly spaced in density. The right-hand panel shows the rates from the same simulation scaled using the relations in Equations (6)
and (7) for M1 = 108 M⊙ by solid, 5 × 107 M⊙ by dotted, and 107 M⊙ by dashed lines.

with the parameters c = 3 × 10−11 M−1
⊙ Mpc−3, M⋆

BH =
1.1 × 108 M⊙, and α = 0.95 (values derived by Aller &
Richstone 2002, scaled to H0 = 71 km s−1 Mpc−1). The rate
of TDs per galaxy is highly uncertain, and so we parameterize,

Γtd = γ × 10−5 yr−1, scaling to the observationally motivated
constant rate per galaxy of Donley et al. (2002) independent
of MBH. We also assume that Vc is independent of MBH and
is 10.7 Gpc3, corresponding to our redshift limit of z = 0.35,

4

(Wegg & Bode 11)



SMBHB TDE Rates

(NCS+17)
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Observed TDE Hosts

(Wevers+17)

BH masses of optically/UV selected TDEs 9

Figure 5. TDE host black hole masses and various versions of
the M–� relation. Black stars represents the resolved sample of
Ferrarese & Ford (2005), while the dashed line represents the
best-fitting relation (Eq. 3); red triangles represent the TDE host
galaxies. The dotted line represents the McConnell & Ma (2013)
relation valid for early type galaxies. The solid line represents the
Kormendy & Ho (2013) relation for massive ellipticals. Regarding
the latter relation, we remark that our galaxies are not ellipticals
and therefore it is unlikely that this relation is appropriate for
our sample.

4.2.3 Choice of M–� relation

The particular choice of M–� relation and which version
is the best version is still a matter of debate, with many
versions published in the literature (Ferrarese & Ford 2005;
Gültekin et al. 2009; McConnell & Ma 2013; Kormendy &
Ho 2013). Each of these works has its particular sample se-
lection that comes with advantages and disadvantages. In
this work we have chosen to use the relation based on the
sample of Ferrarese & Ford (2005), who included only galax-
ies for which the sphere of influence had been resolved. If
we compare these values with those obtained with the re-
cent McConnell & Ma (2013) relation, valid for early-type
galaxies, we find that the (non-systematic) di↵erence is less
than 0.1 dex for the sources in our sample. Therefore we
do not expect the particular choice of the M–� relation to
influence our conclusions. In Figure 5 we show the original
(resolved) sample used by Ferrarese & Ford (2005) to derive
the M–� relation (Eq. 3; dashed line). We have overplotted
the relation by McConnell & Ma (2013) (dotted line) and
Kormendy & Ho (2013) (solid line) to illustrate the e↵ect
on the derived masses. We note that the latter relation was
explicitly derived for elliptical galaxies and is most likely not
appropriate for our sample.

Another issue that arises from using the M–� relation
for our sample is that several host galaxies harbour black
holes with masses that are lower than the mass range for
which the relation was originally derived (see also Figure 5).
Simulations have shown that the (currently unknown) black
hole seed formation scenario has an impact on the valid-
ity of the M–� relation at the low mass end. For example,
Volonteri (2010) showed that in the case of high-mass seeds

Figure 6. Distribution of the observed black hole masses in our
sample of TDE host galaxies. The sample is dominated by low
mass black holes, as expected from theoretical arguments (Wang
& Merritt 2004). This is in contrast to fig. 12 of Stone & Met-
zger (2016), who found a more top-heavy MBH distribution, with
SMBH masses in optical TDE hosts peaked just below 107M�.

the relation should show an increased scatter, possibly com-
bined with a flattening at low �. However, there is at present
no conclusive evidence that corroborates these predictions.
For example, Barth et al. (2005) measure black hole masses
for less than 106 M� BHs and find that they lie on the ex-
trapolation of the M–� relation to lower masses. Xiao et al.
(2011) found that the relation derived for quiescent massive
ellipticals can also be extrapolated to active galaxies, with
masses as low as 2⇥ 105 M�. These authors did not find ev-
idence for an increased scatter in the correlation at the low
end of the mass range. We remark that direct mass mea-
surements for these systems are needed to resolve this issue
beyond doubt.

4.3 A black hole mass distribution for TDE host
galaxies

Recent theoretical work has used the observed sample of
TDE candidates to analyze flare demographics (Kochanek
2016), to constrain the SMBH occupation fraction in low
mass galaxies (Stone & Metzger 2016), and to try to con-
strain optical emission mechanisms (Stone & Metzger 2016;
Metzger & Stone 2016). The BH/bulge mass estimates used
in these works are inhomogeneous, but are generally based
on the M–L relation, and the bulge mass of these galaxies
is subject to large uncertainties. Here we present a new and
updated black hole mass distribution based on spectroscopic
measurements of our host galaxy sample.

Our mass distribution, presented in Figure 6, contains
black hole masses ranging from 3⇥ 105 M� to 2⇥ 107 M�. It

MNRAS 000, 1–16 (2017)



4.  Radial Orbit 
Anisotropies?

• Another possibility: anisotropic velocities with radial bias 
• Consider constant anisotropy β=1-T⟂/2Tr 

✦ β<βROI~0.6 to avoid radial orbit instability 
• Solve 1D Fokker-Planck equation in angular momentum 

space:  

• TDE rate Γ ∝ t-β in an isotropizing cusp
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5.  Stellar Overdensities?
• Suggestive evidence: color gradients in E+As (Pracy+13; also 

Law-Smith talk) 
• Overdense nuclei - ρ(r) = ρinfl(r/rinfl)-γ  - can have short two-

body relaxation times if overconcentrated or ultrasteep 
• Overconcentrated (rinfl low): 

✦ High, slowly evolving TDE rate 
• Ultrasteep (γ large): 

✦ If γ>7/4, profile flattens with time (Bahcall & Wolf 76) 
✦ If γ>9/4, TDE rate diverges inward 
✦ Transition point rBW ∝ t1/(γ-3/2) 
✦ TDE rate Γ ∝ t-(4γ-9)/(2γ-3) / ln(t)



Birth of a Bahcall-Wolf Cusp

(NCS+17)
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Overdense Delay Time 
Distributions

(NCS+17)
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N-Body Simulations

(Arca-Sedda & Capuzzo-Dolcetta 17)

The MEGaN project I 7

4 DISCUSSION

As we showed in the last section, the GC orbital evolution is
notably shaped by the presence of the central SMBH, which
has a shattering effect on them.

Several astrophysical processes can be driven by a
strong SMBH-GC gravitational collision, such for instance
the ejection of high-velocity stars, enhancement of stellar
disruption by the SMBH. In this paper, using the data pro-
vided by our simulation we try to determine some informa-
tion about these phenomena and their consequences.

4.1 Is a nuclear star cluster forming around such

a massive BH?

The formation of nuclear star clusters by decay and merg-
ing of globular clusters has been tested in dwarf (Arca-
Sedda & Capuzzo-Dolcetta 2016, 2017) and mid-weight
galaxies (Antonini et al. 2012; Mastrobuono-Battisti et al.
2014; Perets & Mastrobuono-Battisti 2014; Arca-Sedda &
Capuzzo-Dolcetta 2014b; Arca-Sedda et al. 2015), whereas
a number of recent works have argued that this process
works inefficiently in high-mass galaxies (Antonini 2013;
Arca-Sedda & Capuzzo-Dolcetta 2014b; Arca-Sedda et al.
2016).

However, most of the previous works limited their mod-
els to about 10 GCs moving around an SMBH, due to the
computational load required to simulate a massive galactic
nucleus. In this paper we model the entire galactic nucleus,
showing that tidal forces in galaxies hosting a SMBH with
mass above 108 M⊙ are sufficiently high to inhibit the for-
mation of a detectable NSC.

As shown in Fig. 3, a number of GC remnants penetrate
the inner region of the galaxy, reaching distances smaller
than 10 pc from the SMBH. Therefore, GC debris may, in
principle, leave a fingerprint in the SMBH surroundings.

Indeed, the GCs evolution causes a significant flattening
of the global three dimensional velocity dispersion profile,
which passes from a value, averaged over the inner 20 pc, of
∼ 500 km s−1 to ∼ 100 km s−1 by the end of the simulation.
Moreover, GC orbital infall and disruption lead to an evident
central increase in the spatial density profile, as shown in
Fig. 5.

A relevant parameter that can be used to determine
whether the GCS orbital evolution can give rise to a NSC is
the amount of mass deposited around the SMBH. Figure 6
shows the mass initially bound to the GCs, accumulated at
4, 10 and 20 pc from the SMBH as a function of the time. It
is worth noting that the galaxy mass enclosed within 4 pc
according to our galaxy model is ∼ 1500 M⊙, a value com-
patible with the GCS deposited mass. This would represent
a first hint on the weak detectability of a possible NSC.

Observationally, a NSC in a galactic nucleus is identi-
fied as an evident edge in the host galaxy surface brightness
profile (Côté et al. 2006; Turner et al. 2012; Georgiev &
Böker 2014; Arca-Sedda et al. 2015). However, we did not
found any evident edge neither in our model surface density
profile, nor in the projected radial velocity profile, which is
shown in Fig. 7. Therefore, our results suggest that the cen-
tral SMBH and its surrounding act as a barrier, preventing
the NSC formation and leading to an insufficient amount of
GCs debris around the SMBH. Nonetheless, the interactions
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between the SMBH and the GCs are strong enough to sug-
gest that a number of interesting phenomena can occur, such
as BHB coalescence, TDEs and GWs emissions by EMRIs.

4.1.1 Central structure morphology and kinematics

In this section we investigate the kinematical and morpho-
logical properties of the very inner region of the galaxy stud-
ied, at distances below 5 pc from the central SMBH.

In central panel of Fig. 7 we show the time evolution
of the β anisotropy parameter. This parameter is defined
as β = 1 − (σt/2σr)

2, where σt and σr represent the tan-
gential and radial velocity dispersions, respectively. After
∼ 300 Myr, our galaxy+GCs model is characterised by
β ≃ 0 within 5 pc from the SMBH, which implies an al-
most isotropic configuration, while it declines toward nega-
tive values outward, showing a predominance of tangential
motion at the edge of the galactic nucleus.

Another important set of parameters that can be used
to constrain the galaxy morphology is that of the three prin-
cipal moments of inertia, I1 > I2 > I3, which allow to dis-
criminate between spherical, oblate or prolate systems.

In our simulations, we found that these parameters do



NGC 3156: A Nearby E+A

Several authors have speculated about dynamical mechan-
isms that could enhance the intrinsic rate of TDEs in post-
starburst galaxies. If a galaxy merger creates a SMBH binary in
the center of the merger product, a short-lived ( -10 years5 6 )
phase of greatly enhanced TDE rates will ensue, due partially
to the Kozai effect (Ivanov et al. 2005) but mostly to chaotic
three-body orbits (Chen et al. 2011). Arcavi et al. (2014)
hypothesized that if a major merger triggers the starburst, E
+As may overproduce TDEs due to the presence of hardening
SMBH binaries. However, although these binaries can enhance
TDE rates up to ˙ ~ - -N 10 yr1 1, the short duration of this
enhancement means that SMBH binaries likely contribute only
~1% of the volumetric TDE rate (Wegg & Bode 2011).
Furthermore, it is unclear whether most SMBH binaries should
exist in E+As; if the final parsec problem is solved very
efficiently (inefficiently) then it is possible that most such
binaries merge before (after) their host reaches the E+A stage.

Another possibility is that the starburst that created the E+A
involved the dissipative flow of gas to the galactic nucleus,
creating a steep stellar density cusp. The denser the stellar
population, the shorter the two-body relaxation time and the
higher the TDE rate. The starbursts that create E+As are quite
substantial, increasing the stellar mass of the galaxy by ~10%
(Swinbank et al. 2012), so they are therefore quite capable of
creating changes of order unity in the stellar density profile on
parsec scales, where most TDEs are sourced. Both multi-band
photometry (Yang et al. 2006) and resolved spectroscopy
(Pracy et al. 2012) of nearby E+As find significant radial
gradients in stellar age, indicating an overabundance of young
stars in E+A centers relative to their outskirts, and lending
further plausibility to the idea of a central overdensity. This
hypothesis, first advanced by Stone & Metzger (2016), can be
tested by high-resolution photometric observations of the
nearest E+A galaxies, and systematic calculation of TDE rates
in their nuclei.

Fortunately, one of the nearest E+A galaxies (Pracy et al.
2012), NGC 3156 (shown in Figure 1), has been the target of

past Hubble Space Telescope (HST) photometry (HST Program
12500; PI Kaviraj). In this paper, we use archival HST data to
estimate TDE rates in this galaxy, which at first glance appears
to be an extreme outlier in terms of central stellar density. We
outline the HST observations, their uncertainties, and the range
of allowable surface brightness profiles for this galaxy in
Section 2. In Section 3, we compute TDE rates in NGC 3156
across the range of allowable surface brightness profiles. These
rates are sensitive to the inward extrapolation of surface
brightness (beyond the HST resolution limit), and we consider a
range of theoretically motivated extrapolations. In Section 4,
we discuss both the limitations and the broader implications of
our analysis.

2. NGC 3156: OBSERVATIONS

Below, we first present an estimate of the mass of the central
black hole in NGC 3156, followed by a discussion of the surface
brightness profile inferred from HST observations of this galaxy.
Finally, we note that NGC 3156 is a type II Seyfert galaxy; the
narrow [O III] emission line ( [ ] = ´ -L 2 10 erg sO

38 1
III ) is large

compared to bH emission (which is dominated by absorption),
but no broad emission lines are observed, suggesting that our
view of the accretion disk is obscured by dust. We conclude this
section by showing that unresolved optical emission from the
central active galactic nucleus (AGN) is very small and can be
neglected in our analysis of the surface brightness profile.

2.1. Black Hole Mass

NGC 3156 has a V-band absolute magnitude of
= -M 19.4V (de Vaucouleurs et al. 1991). Using the SDSS

u, g, r, i, z photometry (Fukugita et al. 1996; York et al. 2000;
Adelman-McCarthy et al. 2008) and the kcorrect software
(Blanton & Roweis 2007), we estimate a galaxy-averaged
mass-to-light ratio of ¡ = 1.58, in good agreement with Jeans
and Schwarzschild modeling of this galaxy (Cappellari
et al. 2006). This gives a stellar mass := ´M M3.6 10tot

9 ,
which translates into an SMBH mass of := ´M M1.0 10•

7 if
we associate this with the bulge mass Mb and use the –M M• b
scaling relation of Kormendy & Ho (2013), or a mass of

:= ´M M8.9 10•
6 if we instead use McConnell & Ma (2013).

However, observed E+A galaxies often possess a significant
disk component (Yang et al. 2004), implying that the above
estimate is likely an upper limit to M•. To estimate the bulge-to-
total ratio of the galaxy, we model the surface brightness profile
with an exponential and a de Vaucouleurs profile (i.e., a Sérsic
profile with n= 1 and n= 4). We find Sérsic radii (Re) of 902
and 53.7 pc for the exponential and de Vaucouleurs profiles,
respectively. The ratio of flux in the exponential and the de
Vaucouleurs component is a factor of 7. Assuming that the
integrated luminosity of the de Vaucouleurs profile provides a
good description of the bulge mass, the implied black hole
mass is – :» ´M M0.94 1.0 10•

6 , depending on the choice of
calibration for the –M M• b relation. The disk-dominated nature
of NGC 3156 has already been pointed out by Cappellari et al.
(2007). The disk component is unimportant for our analysis,
since it presents a negligible contribution to the surface
brightness in the inner 100 pc of the galaxy.
The –sM• relation offers an alternate avenue to estimate

SMBH masses. A central velocity dispersion of s = -68 km s 1

was measured by Cappellari et al. (2006) and Cappellari et al.
(2013), which gives := ´M M2.7 10•

6 using the Kormendy

Figure 1. A false-color image of NGC 3156, combining HST photometry in the
F475W, F555W, and F814W filters. The dimensions of the entire image are
1500 pc on each side; the smaller box in the middle is 200 pc on each side and
is shown in Figures 2 and 3.
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NGC 3156: Modeling

• Optimal target: 22 Mpc, MBH = 3x106 M⦿ 

• We fit an I(R) model to archival HST observations 

✦ NGC 3156 major outlier in central profile: I(R) ∝ R-1.2 

• TDE rate Γ~1 x10-3/yr! 

✦ Will test further with upcoming HST observations
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Conclusions
• Several dynamical explanations for the post-starburst preference 

✦ Triaxiality? 
✦ Eccentric stellar disks? (see Madigan talk) 
✦ SMBHBs?   
✦ Radial anisotropies? 
✦ Nuclear stellar overdensities? 

• Anisotropy and overdensity hypotheses potentially testable with 
resolved observations of nearby post-starbursts 

• Delay time distributions powerful future tool - model selection and 
parameter extraction 

• Post-starburst preference important future tool for TDE surveys, 
validation


