
THE PHYSICS OF 
ASTROPHYSICS 

•  An overview of the astronomy not 
taught in detail in other courses 

•  A training in a way of thinking about 
astrophysical problems based on the 
physics you already know 

  

 
Lecture 1: Facts and Figures 
 
 
 
 
 
 
 
 
 
The two aims aren’t completely compatible: where they’re in conflict we 
sacrifice breadth of coverage in favour of topics that can be handled 
quantitatively with a `simple-minded’ approach 
 
See Course Reading List for books with wider coverage at qualitative level 
 
 
 
 
 
 
 
 
 
 
 

  



WHY? 

 

•  A training in a way of thinking about 
astrophysical problems based on the 
physics you already know …… 

 This is the most under-developed skill in students entering 
research! 
 
 Useful in any career in science – how do you sort the important 
from the unimportant, how do you choose which equations to 
solve etc etc. ? 

  



YOU WILL LEARN TO 
•  `Think simply’  

•  Make order of magnitude estimates  

•  Be scrupulous about units and 
dimensions 

 

è 

 Without being paralysed by the fact that the errorbar on the 
answer may be huge – maybe that’s okay for the purpose required 
 
 
 
 
Not just as a check but sometimes to gain insight into a problem 
 
  

 N.B. in Lectures I will usually set all constants of order unity = 1 for 
speed but retain values in your own solutions for better accuracy   



WHAT WE COVER: 

•  Dynamics 

•  Fluid dynamics 

•  Simple radiation physics 
 Huge number of applications: planets, protoplanetary discs, star 
formation, binary stars, feedback from massive stars and 
supernovae, the Galactic Centre, Active Galactic Nuclei etc etc.  
 
Lectures by CJC + `Guest Lecturers’  

 Topics most amenable to this treatment given your current knowledge: 

  



THE POINT OF THE LECTURES 

•  ….is NOT to convey information! 

•  Will contain many worked examples on 
board to be filled in 

•  Please support the guest lecturers… 

  
All information required is given in the 
question (on exam or question sheet) 
 
   

  



USEFUL NUMBER TABLE 

 
 

  

We work in SI but astronomical papers use cgs 
 
 
 
 
 
 
 
 
 
 
 

  

Definition of apparent and absolute magnitude (m and M):

m is measure of flux at earth (W m!2); M is measure of intrinsic luminosity
of source (W)

m ! M = 5log10D ! 5 where D is measured in parsecs

(i.e. absolute magnitude = apparent magnitude if object at distance of 10 pc)

M = !2.5log10L+ constant (where L is luminosity) such that absolute visual
magnitude of Sun is 4.83.

Colour is defined by ratio of fluxes at di!erent wavelengths, i.e. in terms of
di!erences in magnitude e.g. B-V. Redder colours have larger colour indices.

Indicative size and mass scales:

Distances between galaxies " Mpc
Sizes of galaxies " 10s of kpc

Sizes of clusters " pc

Sizes of (extra-) solar systems " AU (for planets) to 104 AU (comet cloud)

Size of stars: 108
! 1012 m

Masses of galaxies: 109
! 1012M"

Masses of central black holes: 106!8M"

Masses of globular clusters: 106M"

Masses of other clusters: 102!3M"

Typical mass of a star: 1M"

Mass of a brown dwarf: 10!2
! 10!1M"

Mass of a giant planet: 10!3
! 10!2M"

Mass of a terrestrial planet: 10!5M"

Typical densities:

Number density of stars in solar neighbourhood " 0.1pc!3

Mean number density of interstellar medium " 106m!3(1 per cm3, but very
large dynamic range)

Mean density of Sun, density of rock and of water are all of similar order of
magnitude (1000s kg/m3).
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In addition to the constants and formulae given in the Formula
Sheet, the following facts/relations are useful for the Physics of As-
trophysics course:

Angular distances:

1’ = 1/60 degrees

1” = (1/60)2 degrees

1 AU subtends an angle of 1” at a distance of 1 parsec

Formulae involving velocities/time:

Doppler shift (for v << c):

!!/! = v/c

An object traveling at 1 km/s covers 1 parsec in 1 Myr.

Number of seconds in a day ! 105

Number of seconds in a year ! 3 " 107

Age of Universe ! 1.5 " 1010 years.

Age of Sun 4.5 " 109 years

For problems involving circular motion it can be useful to scale period of orbit
and orbital velocity to the orbital properties of the earth, i.e.

T = 1 year (R3
AU/M1)1.5

v = 30km/s (M1/RAU)0.5

Formulae involving radiation:

Bolometric flux from black body of temperature T = "T 4 (Wm!2)

Location of Wien peak for black body spectrum

# ! 3µm (T/1000K)!1

1
Don’t	  forget:	  magnitude	  system	  is	  logarithmic	  

1	  mag	  ~	  change	  by	  e	  



Timescales and length scales 
•  For any quantity Q  

•        τ = Q/ |Q| 

•         L = Q/ |Q’| 

•  τ: used to assess which processes are in 
equilibrium (τ<< t (timespan of interest)) or 
hardly evolving (τ >> t) 

•  L: used to assess the `box size’ for 
simulations and the resolution requirements 

 

  

� 

� 

� 
 
 
 
  
 
   

    
 Simply the time or distance over 
which Q varies `appreciably’ (order 
unity) 



A note on exponentials and power 
laws 

•  Consider 

•         Q = Q_o exp (-t/T) è τ = T 
always (e.g. radioactive decay)

•  But Q = Q_o (T/t) èτ= T only when 
t=T. It’s a general feature of power 
laws that the characteristic timescale 
for change is of order t (ditto length 
scales ~ r for  spatial power laws).   

 

 

  



A note on exponentials and power 
laws 

•  Power laws don’t have an intrinsic length 
scale or timescale associated with them 
(i.e. they vary  in space and time). Power 
laws are often described as being `scale 
free’ or `self-similar’ 

•  e.g. supernova blast waves, star clusters 
and accretion discs can all evolve in a 
self-similar fashion – it means that the 
physical variables change in such a way 
that the instantaneous growth time is ~ 
the present time

  

       

 

  



 Exponentials & power laws continued 
•  On the other hand the stellar discs of 

many galaxies are stunningly 
exponential 

•  What is it about the process of galaxy 
formation/evolution that allows every 
point in the disc to `know’ about this 
same e-folding length (3.5 kpc in Milky 
Way) ? Unknown!!

  

       

 

  



Some important timescales and 
how to calculate them 

•  Dynamical timescale in presence of 
gravitating object (mass M, radius R)  

 
•       All give answers that agree to within 

order unity (quite sufficient!): 
•  τ_dyn ~ √ (R^3/GM) 
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 Solve for radial infall onto point mass – messy 
Solve SHM equation for uniform density case – easy 
Calculate v_ff to R and set τ= R/v_ff –easy 
Body in circular orbit at radius R – easy 
Dimensional analysis – easy 
 
 
 
 
 
Important because is the internal communication time for 
gravitating systems like star clusters 



Some important timescales and 
how to calculate them 

•  Sound crossing timescale for region scale R 
   τ_cs ~ R/cs; cs= √(R*T/µ) where R*= 8300 J/
kg  

 
•       Alfven wave crossing time 
           τ_c ~ R/v_A 

 

•  τ: used to assess which processes are in 
equilibrium (τ<< t (timespan of interest)) or 
hardly evolving (τ >> t) 

•  L: used to assess the `box size’ for 
simulations and the resolution requirements 
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  Why important? Pressure disturbances conveyed on τ_cs (in 
absence of supersonic bulk transport- blast wave) so is an 
important communication timescale for gas systems 
 
 
 
 
Alfven waves are analogues of sound waves in magnetised 
media but with some important differences 
   See	  fluids	  course	  for	  formal	  deriva<on	  



Heuris<c	  picture	  of	  Alfven	  waves	  

•  Magne<c	  fields	  resist	  being	  squashed	  or	  
bent	  

•  Magne<c	  pressure	  is	  of	  magnitude	  B^2/2μ	  

•  Types	  of	  wave	  propaga<on	  

•  For	  order	  of	  magnitude	  purposes	  	  

i.e.	  there	  are	  both	  pressure	  and	  tension	  forces	  associated	  with	  them	  

`Effec<ve’	  pressure	  force	  perpendicular	  to	  field	  lines	  =	  B^2/2	  μ	  

V_A	  =	  (B^2/ρ)^0.5	  



 
•       Light crossing timescale 
           τ_c ~ R/c  

 

   

�    
 
The absolute minimum communication timescale –important for 
transferring energy in `optically thin’ media (see later).  



Importance of light travel 
arguments in interpreting 

quasars: 

C c  This was one of the original arguments that quasars involve black 
holes (compact). But note also that it implies that the black holes can’t 
be too massive: Δt must < light travel time of event horizon…. 
 



QSO	  spectra	  consist	  of	  con<nuum	  
and	  broad	  lines	  interpreted	  as	  

from	  clouds	  in	  Broad	  Line	  Region	  
(BLR)	  

	  	  Their	  	  lag	  <mes	  constrain	  bh	  masses,	  while	  
changes	  in	  profile	  tell	  you	  about	  gas	  kinema<cs	  

Blueshi]ed	  	  	  	  	  	  	  	  	  	  redshi]ed	  



Some important timescales and 
how to calculate them 

  

� 

T  
In thermal equilibrium heating and cooling rates balance; hence 
τ_therm is either time to heat up if cooling switched off or time 
to cool down if heating is switched off   
 
 
For an ideal gas this is ~ R*T/µ and thermal energy per unit 
volume is ~ P. For a photon gas the thermal energy per unit 
volume is ~ a T^4…see later.  



Some important timescales and 
how to calculate them 

•  Collision timescales 
 τ = 1/(nσv) for cross-section σ and n= number 
density of impactors. σ may be a physical cross-
section or a cross-section for a particular 
interaction 
 
 
  Beware: the formula applies for linear paths  
and has to be modified in presence of long range 
forces….need to boost the cross-section to 
account for GRAVITATIONAL FOCUSING 
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  (e.g. scattering of photon by free electron or tidal 
disruption of a star by a supermassive black hole) 
  



Some important timescales and 
how to calculate them 

  

� 

 � 
 
      
    

� 

� 
 
 
 
  
 
   

  (e.g. scattering of photon by free electron or tidal 
disruption of a star by a supermassive black hole) 
 
 

•  	  	  Timescale	  for	  execu<ng	  random	  walk.	  	  
Recall	  expected	  distance	  travelled	  a]er	  N	  
steps	  of	  length	  λ	  is	  √N	  λ.	  Hence	  <mescale	  to	  
traverse	  R	  is	  	  

•  τ_diff	  ~	  R^2/(λ	  v)	  

•  Example:	  es<mate	  <me	  for	  photon	  to	  diffuse	  
out	  of	  Sun	  	  

	  Note	  that	  a	  quadra<c	  dependence	  of	  <me	  on	  distance	  is	  	  
a	  general	  feature	  of	  diffusive	  processes	  	  



An example on length scales: 

See	  last	  lectures	  



Two examples: 

C c 

 For dust  have to consider 2 heating + one cooling process and we 
won’t  (probably) be able to solve for T analytically without taking 
limit that one or other process is negligible and checking a posteriori. 
We also need to develop an expression for the heating rate due to 
collision with gas; this breaks down into working out the rate of 
collision with gas molecules + the energy exchanged per collision. We 
assume that molecules arrive with k.e. corresponding to their 
temperatures (T_g) and leave with k.e corresponding to T_dust.  



Two examples: 

C c 
 We need to consider encounters that occur at impact parameter b and 
work out a) how often these happen and b) what is the typical 
tangential velocity acquired Δv(b). Since the direction is random, the 
number of encounters required to accumulate a tangential velocity of v 
is ~ (v/Δv)^2. Then we can find the timescale as a function of b and 
decide if the main effect is contributed by close or distant encounters. 
The results of this calculation are crucial for understanding the 
evolution of star clusters. 
 



Handling distributions: 

 We often want to know whether the  total numbers of objects   in a 
distribution  is contributed near  its  upper or lower end . If p(q) dq is 
the probability some quantity lies in the range of q to q+dq  then we 
might naively imagine that this is determined by whether p is an 
increasing or decreasing function of q.  However can also write p(q)dq 
=  P(q) d ln q where P(q) (=q p(q)) is the probability that the quantity 
lies in a given logarithmic interval. When we ask which part of a 
distribution is dominant we are really asking whether it’s the range 0.1 
-1, 1-10, 10-100 etc i.e. we are thinking logarithmically (constant ratio 
of bin limits). So it is P which most directly tells us which part of a 
distribution is the dominant contributor.  
  



A very important example: 
  For simplicity let’s parameterise fraction of stars in mass range m to m+dm as f(m) dm where f(m) ~m ^-α 
between m_min and m_max.  
 
 
 
 
 
 The sign of 1 – α tells us if the number of stars is dominated at the upper 
or lower end.  The sign of 2-α tells us if the total mass of stars is 
dominated by the upper or lower end.  Therefore: 
 
  α < 1 => both dominated by upper end; mean determined  by upper end 
 
 1 < α < 2 => total number dominated by lower end, total mass by upper 
end so mean determined by both 
 
 α > 2 => both determined by lower end; mean determined by lower end 
 
 
 
 
 
 
 
  



Annual	  Reviews	  

ee real IMF – describable as log-normal or piecewise power lawT 

This is not a selection effect, though range studied limited by 
sensitivity and age of system 

The	  real	  IMF	  –	  describable	  as	  log-‐normal	  or	  piecewise	  power	  law	  

Astonishingly	  similar	  given	  range	  
of	  ages,	  densi@es	  and	  
metallici@es	  of	  systems	  studied.	  

This	  is	  not	  a	  selec@on	  effect,	  though	  range	  studied	  limited	  by	  
sensi@vity	  and	  age	  of	  system	  



α	  	  =	  Γ	  	  +	  1	  

Transi@ons	  from	  α	  <	  1	  to	  α	  >1	  	  at	  few	  tenths	  of	  solar	  mass	  –	  endows	  IMF	  with	  characteris@c	  

mass	  of	  that	  order.	  We	  don’t	  understand	  why!	  

This	  mass	  range	  is	  perfect	  for	  long-‐lived	  nuclear	  fusion	  and	  hence	  life	  



What about total stellar 
luminosity of population? 

 Assume L ~ M     -  mass regime that dominates the total luminosity 
output depends on sign of 1 – α + β.  For M < 30 M     , β = 3.5 (see 
Fig. 4.9 of Stars Course) so total luminosity is dominated by the most 
massive stars. If these α and β values were to continue to arbitrarily 
high masses the total luminosity would diverge. In practice β -> 1 at 
higher masses and so total luminosity is finite and dominated by stars 
around 30 M 

β	  

¤	  

¤	  



How do we measure the star 
formation rate (SFR) in distant 

galaxies? 
 

 This is the questionable bit… ★	  

★	  



There	  are	  many	  	  
observa@onal	  difficul@es	  also	  

•  High	  redshiP	  galaxies	  are	  usually	  too	  faint	  
for	  spectroscopy	  

•  Astonishing	  detail	  revealed	  in	  spectra	  even	  
for	  galaxies	  at	  z	  =2-‐4	  

But	  can	  some@mes	  cunningly	  exploit	  
gravita@onal	  lensing	  to	  act	  as	  cosmic	  
magnifying	  glass	  

Nevertheless	  these	  spectral	  features	  
only	  tell	  you	  about	  the	  popula@on	  of	  
massive	  stars	  present	  



There	  are	  many	  	  
observa@onal	  difficul@es	  also	  
•  High	  redshiP	  galaxies	  are	  oPen	  dusty	  

•  But	  this	  is	  okay	  provided	  can	  measure	  total	  
luminosity	  in	  IR/submm	  

	  A	  nearby	  dusty	  galaxy	  –	  
and	  its	  spectrum	  

	  A	  sequence	  of	  images	  of	  a	  distant	  
galaxy	  showing	  it	  only	  becomes	  
visible	  at	  long	  wavelength	  

ê 	  

Massive	  peak	  
in	  FIR	  



Another distribution problem 
 Involving changing variables 

	  
sn	  

ms	  



And another distribution problem 
 Taking the dimensions out of integral expressions  



A problem on steady states 
  

If	  n(a)	  da	  =	  frac@on	  of	  grains	  with	  radius	  in	  range	  a	  to	  a	  +	  da	  show	  that	  the	  steady	  state	  
dis@rbu@on	  is	  n(a)	  ~	  a^-‐3.5	  
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